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Outline of this lecture

1. A multi-messenger picture is the natural way 

2. Tools for multi-messenger astrophysics 
- Secondary production channels 
- Maximum energies & simple flux estimates 
- Cosmogenic neutrinos 
- Specificities of gamma rays 
- Panorama of simulation tools 

3. Can we really do multi-messenger astrophysics? 
- GW-neutrino sources 
- Focus on neutrinos from transient sources 
- Opening the UHE neutrino window
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Introduction

1. A multi-messenger picture is the natural way

ISAPP School Institut Pascal - 25/03/2020Kumiko Kotera - Institut d’Astrophysique de Paris 
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Exciting times!

First 1020 eV 
cosmic ray 
detected

1962 2017

GW astronomy 
begin! 
kilonova associated with 
GW170817

LIGO-Virgo+Fermi+many obs.

2015

First 
gravitational 
waves detected

LIGO

2013

First 1015 eV 
neutrinos 
detected

IceCube

GW

CR

ν

γ

Extragalactic 
origin confirmed 
Auger evidences large 
scale anisotropy > 8 EeV

Auger

PeV neutrino 
astronomy begins! 
IC170922 in coincidence 
with TXS 0506+056

IceCube+Fermi+MAGIC

New transients! 
new TDEs, magnetar flares, blazar flares, FRBs,  
gamma-ray bursts, superluminous SNe…

And we still don't know the origin of UHECRs



5

The complicated cosmic-ray journey

Outflow 
- structure? 
- B? 
- size?

Source? 
- particle injection? 
- acceleration? shocks? 

reconnection?…

Backgrounds 
- radiative? baryonic? 
- evolution, density? 
- magnetic field: deflections? 

associated neutrino and 
gamma-ray production

νγ

Intergalactic magnetic fields 
magnetic deflection 
temporal & angular spread/shifts

νγ

p Fe

Cosmic backgrounds 
interactions on CMB, UV/opt/
IR photons 

cosmogenic neutrino and 
gamma-ray production

Source population  
emissivity evolution 
affects the diffuse 
astroparticle fluxes

UHECR 
- mass 
- spectrum 
- anisotropy

Observables
neutrinos 
- flavors 
- spectrum 
- anisotropy 
- time variabilities

multi-wavelength photons 
- spectral features 
- time variabilities 
- angular spread 
- source distribution 

GW 
- spectrum 
- arrival 

directions 
- time 
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Cosmic rays and friends

ν
γ νγ

p Fe

• not deflected by magnetic fields 
• allow us to see farther in the Universe 
• allow us to see deeper in objects 
• clear hadronic acceleration signature 
• but: difficult to detect

Cosmic rays

Gamma rays

Neutrinos

Gravitational waves



GRAND Collab., 1810.0994 (Adapted from Fang & Murase 2017)

Fluxes at Earth
Cosmic raysNeutrinosGamma rays

39

A multi-messenger picture also looks like a natural way

A common multi-messenger source? e.g., Fang & Murase 2017

GRAND Coll. 2019
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Secondary production channels

2.Tools for multi-messenger astrophysics

ISAPP School Institut Pascal - 25/03/2020Kumiko Kotera - Institut d’Astrophysique de Paris 
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16 Chapter 1. The vibrant context of transient multi-messenger astronomy

Figure 1.7: Total photohadronic cross sections for proton (left) and for iron (right). We show the total
cross section (blue thick line) and the contributions from various channels. The cross section models are
from Mücke et al. (2000) and Rachen (1996).

At the highest energies, the fragmentation of a “fireball” into quark-antiquark pairs corresponds
to statistical multipion production.

The proton energy-losses depend on the regime of photomeson production. The inelasticity
characterizes the energy loss of the primary particle during the interaction. From Atoyan and
Dermer (2003), the total cross section and inelasticity can be approximated by two step func-
tions, accounting for resonances and direct channels in the low energy part, and for multipion
production in the high energy part

�p�(✏̄) =

(
340 µb, ✏̄th < ✏̄ < 500MeV ,

120 µb, ✏̄ > 500MeV ,
(1.18)

p�(✏̄) =

(
0.2, ✏̄th < ✏̄ < 500MeV ,

0.6, ✏̄ > 500MeV ,
(1.19)

with ✏̄th = 0.2GeV the interaction threshold energy in the proton rest frame. We note the lower
cross section at high energies, but with larger proton energy losses at each interaction.

The nuclei mass-losses also depend on the photodisintegration regime. At the lowest energies,
one or a few nucleons can be ejected from the heated nucleus. The branching ratios for nucleon
emissions have been studied in Puget et al. (1976), in the range ✏̄ = 30� 150MeV. As data get
sparser with increasing energy, it is di�cult to treat the production of secondary nuclei in great
detail, which induces large uncertainties on the nuclear cascades. In the fragmentation regime,
nuclei might be fragmented into multiple pieces and the choice of the heaviest fragment might
be ambiguous. In the case of light nuclei, the various interaction channels can be considered
individually. As ✏̄ ⇠ ✏

0
�
0, high-energy regimes can be dominant for very hard photon spectra,

which might be the case for instance if accelerated cosmic rays interact with a gamma-ray burst
prompt emission. The propagation and interactions of nuclei in systems should therefore be
treated carefully.

For the various aforementioned regimes, the photodisintegration interaction timescales are cal-
culated as follows, in the case of isotropic photon spectra:

t
0�1
N� =

c

2�02

Z 1

0

d✏0

✏02
dn0

�

d✏0
(✏0)

Z 2�0
✏
0

0
d✏̄ ✏̄ �N�(✏̄) , (1.20)

where �N�(✏̄) is the photodisintegration cross section. Benchmark calculations of interaction
and energy-loss timescale are illustrated in section 2.4.3, with analytic or numerical approaches.

Photo-hadronic interactions
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Table 9.1 Multiplicities ζ and Mean Fractional Energies χ of Secondaries Formed
in Photomeson Production

Species Single π Multi-π
Neutrinos ζ s

ν = 3/2 χ s
ν = 0.05 ζ m

ν = 6 χm
ν = 0.05

Leptons ζ s
e = 1/2 χ s

e = 0.05 ζ m
e = 2 χm

e = 0.05
γ -rays ζ s

γ = 1 χ s
γ = 0.1 ζ m

γ = 2 χm
γ = 0.1

Neutrons ζ s
n = 1/2 χ s

n = 0.8 ζ m
n = 0.5 χm

n = 0.4
Protons ζ s

p = 1/2 χ s
p = 0.8 ζ m

p = 0.5 χm
p = 0.4

β-electrons ζ s
β,e = 1/2 χ s

β,e = 10−3 ζ m
β,e = 1/2 χm

β,e = 10−3

β-neutrinos ζ s
β,ν = 1/2 χ s

β,ν = 10−3 ζ m
β,ν = 1 χm

β,ν = 10−3

Substitution of eq. (9.46) into eq. (9.45) gives

ṅi
∗(ε∗, (∗; z) =

cσ i
φπ ζi

8π

∫ ∞

0
dεγ nph(εγ )

∫ 1

−1
dµ (1 − βpµ)

×
∫ ∞

1
dγp np(γp; z) H(ε′; ε′

+, ε′
u)δ(ε∗ − χimpc2γp),

(9.47)

assuming isotropy of the photon and UHECR proton spectra. Equation (9.47)
can be simplified to the form

ṅi
∗(ε∗, (∗; z) =

ζicσ i
φπ np(γ̄p; z)

16πχimpc2γ̄ 2
p

∫ ∞

ε′
+/2γ̄p

dεγ
nph(εγ ; z)

ε2
γ

×
{[

min(2γ̄pεγ , ε′
u)

]2 − ε′2
+

}
, (9.48)

where
γ̄p ≡ ε∗/χimpc2.

For the CMBR spectrum, eq. (9.6), eq. (9.48) becomes

ṅi
∗(ε∗, (∗; z) =

2ζicσ i
φπ np(γ̄p; z)-3(z)

λ3
Cχimpc2

×
[
I0 (y+, yu)+y2

+ ln
(
1−e−y+

)
−y2

u ln
(
1−e−yu

)]
, (9.49)

where

y+,u ≡
ε′

+,u

2γ̄p-(z)
=

χiε
′
+,umpc2

2ε(1 + z)-(z)
(9.50)

Dermer & Menon, Princeton University Press, 2009

single π

multi π

p + γtarget → n + π+

π+ → μ+ + νμ → e+ + νe + ν̄μ + νμ

p + γtarget → p + π0

π0 → γ + γ
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Figure 9.2 Data show the total inelastic pγ photomeson production cross
section [186,187] as a function of the photon’s energy in the pro-
ton rest frame, and light curves show separate contributions of baryon
resonances, the direct single-pion channel, diffractive scattering, and
multipion production (1 µbarn = 10−30 cm−2; data from Ref. [188]
and references therein). (Cross section figure courtesy of Anita Reimer.)
Also shown by thick lines is the two-step-function approximation used
in the analysis, consisting of a single-pion near-threshold channel be-
tween 200 and 500 GeV, and a multipion channel at energies √

sint =
εr ≥ 980mec

2 = 500 MeV. The inelasticities of the two channels are
labeled.

increases the amount of energy in neutrinos compared to #+ excitation and
decay.

3. Multipion Production
Multipion production may be treated as a statistical process or expressed
in terms of a scaling function, and is simulated in the SOPHIA code [187]
using QCD fragmentation models.

4. Diffraction
Diffractive scattering couples photons to heavier vector mesons ρ0 and ω.

9.2.2 Analytic Expression for Photopion Cross Section

To derive analytic expressions for total and secondary production cross sec-
tions, we follow the approach of Ref. [95] where the photopion process is
approximated by the sum of two channels. In the (i) single-pion resonance
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Figure 1.7: Total photohadronic cross sections for proton (left) and for iron (right). We show the total
cross section (blue thick line) and the contributions from various channels. The cross section models are
from Mücke et al. (2000) and Rachen (1996).

At the highest energies, the fragmentation of a “fireball” into quark-antiquark pairs corresponds
to statistical multipion production.

The proton energy-losses depend on the regime of photomeson production. The inelasticity
characterizes the energy loss of the primary particle during the interaction. From Atoyan and
Dermer (2003), the total cross section and inelasticity can be approximated by two step func-
tions, accounting for resonances and direct channels in the low energy part, and for multipion
production in the high energy part

�p�(✏̄) =

(
340 µb, ✏̄th < ✏̄ < 500MeV ,

120 µb, ✏̄ > 500MeV ,
(1.18)

p�(✏̄) =

(
0.2, ✏̄th < ✏̄ < 500MeV ,

0.6, ✏̄ > 500MeV ,
(1.19)

with ✏̄th = 0.2GeV the interaction threshold energy in the proton rest frame. We note the lower
cross section at high energies, but with larger proton energy losses at each interaction.

The nuclei mass-losses also depend on the photodisintegration regime. At the lowest energies,
one or a few nucleons can be ejected from the heated nucleus. The branching ratios for nucleon
emissions have been studied in Puget et al. (1976), in the range ✏̄ = 30� 150MeV. As data get
sparser with increasing energy, it is di�cult to treat the production of secondary nuclei in great
detail, which induces large uncertainties on the nuclear cascades. In the fragmentation regime,
nuclei might be fragmented into multiple pieces and the choice of the heaviest fragment might
be ambiguous. In the case of light nuclei, the various interaction channels can be considered
individually. As ✏̄ ⇠ ✏

0
�
0, high-energy regimes can be dominant for very hard photon spectra,

which might be the case for instance if accelerated cosmic rays interact with a gamma-ray burst
prompt emission. The propagation and interactions of nuclei in systems should therefore be
treated carefully.

For the various aforementioned regimes, the photodisintegration interaction timescales are cal-
culated as follows, in the case of isotropic photon spectra:

t
0�1
N� =

c

2�02

Z 1

0

d✏0

✏02
dn0

�

d✏0
(✏0)

Z 2�0
✏
0

0
d✏̄ ✏̄ �N�(✏̄) , (1.20)

where �N�(✏̄) is the photodisintegration cross section. Benchmark calculations of interaction
and energy-loss timescale are illustrated in section 2.4.3, with analytic or numerical approaches.
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≈ Lcr/Γ2 [60]. As in GRBs, we introduce the CR (or
nonthermal baryon) loading factor by [60]

ξcr ≡
Lcr

Lrad
. (16)

As seen below, we need (depending on s) ξcr ∼
1–100 to achieve the local CR energy budget of ∼
1044 erg Mpc−3 yr−1 at 1019 eV, which is required for
the sources of UHECRs (see [23] and references therein).
If the radiative efficiency is similar in GRBs and blazars,
it is natural to assume that the same CR acceleration
mechanism leads to similar values of ξcr. However, mod-
eling of the blazar emission suggests that the radiative
efficiency may be lower at higher luminosities [32, 44],
implying that ξcr weakly increases as Lrad. Throughout
this work, we consider the simplest assumption that ξcr
is independent of Lrad, and similarly for GRBs.
The maximum energy of accelerated CRs is estimated

by comparing the acceleration time (tacc) with the cool-
ing time (tc) and dynamical time (tdyn ≈ lb/c) in the
acceleration zone. In QHBs, the photomeson process is
usually the most important proton cooling process, and
its energy-loss time scale (in the comoving frame of the
jet) is given by [17, 61]

t−1
pγ (εp) =

c

2γ2
p

∫ ∞

ε̄th

dε̄ σpγ(ε̄)κp(ε̄)ε̄

∫ ∞

ε̄/2γp

dε ε−2nε, (17)

where ε̄ is the photon energy in the rest frame of pro-
ton, γp is the proton Lorentz factor in the comoving
frame, κp is the proton inelasticity, and ε̄th = 145 MeV
is the threshold photon energy for photomeson produc-
tion. Numerical results of t−1

pγ are shown in Figs. 5-8,
as well as energy-loss time scales of the Bethe-Heitler
electron-positron pair production (Bethe-Heitler), proton
synchrotron emission (syn), and proton inverse inverse-
Compton scattering (IC) processes.
The acceleration and synchrotron cooling time scales

depend on the magnetic field strength. In this work, we
assume that the leptonic scenario accounts for the origin
of blazar γ-ray emission. The leptonic scenario is more
widely accepted and furthermore allows lower jet pow-
ers and generally weaker magnetic fields than hadronic
models. The Compton dominance

AC ≡
LC
rad

Ls
rad

≈
Usyn + Uext

UB
(18)

is expressed as the ratio of the luminosity LC
rad of the

γ-ray hump, assumed to result from Compton scatter-
ing, to the synchrotron luminosity Ls

rad. Here Usyn is
the energy density of synchrotron photons and Uext =
UAD + UBL + UIR is the energy density of external radi-
ation fields, where UB = B2/8π is the magnetic field en-
ergy density. This approximation becomes poorer when
Klein-Nishina effects are relevant, as for HSP BL Lac ob-
jects, but is accurate for QHBs, giving a good estimate on
magnetic fields in the jet comoving frame. The magnetic-
field strength is found to lie in the range of B ∼ 0.5–5 G

for QHBs and B ∼ 0.1–1 G for BL Lac objects, respec-
tively, which are consistent with detailed modeling results
for the leptonic scenario (e.g., [27, 32, 53]). Even for
stronger magnetic fields, our conclusions regarding PeV
neutrinos remain essentially unchanged, although higher-
energy neutrinos can then be more readily produced. The
CR acceleration mechanism in the inner jets of blazars
is very uncertain, and not only the shock acceleration
mechanism but also stochastic acceleration, shear accel-
eration, and magnetic reconnection may operate. Thus,
for simplicity, we characterize the acceleration time by
tacc = ηεp/(eBc), with η = 1. Although η = 10 may be
more reasonable (e.g., [62]), our results on PeV neutri-
nos are not affected unless η ! 104, as can be seen from
Figs. 5 and 6.

Figs. 5 and 6 show that photohadronic cooling coun-
teracts acceleration to limit the maximum CR proton en-
ergy in QHBs. Acceleration of protons to εp ∼ 1010 GeV
through Fermi processes is difficult not only because of
photomeson production processes, but also due to the
Bethe-Heitler electron-positron pair production process
resulting from interactions between protons and syn-
chrotron photons. In Fig. 5, the Bethe-Heitler process is
more relevant than the photomeson production process
for εp ∼ 107–1010 GeV. For εp ∼ 106–107 GeV, the dom-
inant energy loss process is instead the photomeson pro-
duction in CR interactions with broadline photons. The
broadline emission is a relevant target photon source as
long as rb < rBLR—provided that the BLR exists—which
is only guaranteed for high-power AGN such as QHBs.
As can be seen from Fig. 4, the BLR contribution disap-
pears for L5GHz " 1044 erg s−1, or Lrad " 1048 erg s−1.
In Fig. 6, due to broadline photons, the Bethe-Heitler
process is dominant for εp ∼ 104–105 GeV.

In Fig. 7, with Lrad = 1046.56 erg s−1, broadline emis-
sion is not important, and acceleration to high energies
is instead limited by the dynamical time. Acceleration
to higher energies than in the previous cases for QHBs,
although εp ! 1010 GeV is not achieved, may be al-
lowed because internal synchrotron photons do not hin-
der acceleration. At εp ∼ 106–109 GeV, the external IR
emission plays the central role as a target photon source
for photomeson production and Bethe-Heitler processes,
provided that particle acceleration takes place in IR ra-
diation fields from the dust torus, namely for rb < rDT.

Fig. 8, with Lrad = 1045.8 erg s−1, shows that for low-
luminosity AGN, which include HSP BL Lac objects, ex-
ternal radiation fields are negligible and photomeson pro-
duction is not efficient. This would suggest that accel-
eration to very high energies is possible, but luminosity
limits on Fermi acceleration restrict proton acceleration
to the highest energies. The available time to accelerate,
as reflected in the dynamical time, likewise limits accel-
eration to εp " 109.3 GeV. These results are consistent
with the results of Murase et al. [27] when one takes into
account the different time scales used. They find, on the
basis of the Hillas condition with parameters from SSC
models, that only nuclei are capable of being accelerated

interaction timescale tpγ

Dermer & Menon 2009

inelasticity

cross-section
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For the various aforementioned regimes, the photodisintegration interaction timescales are cal-
culated as follows, in the case of isotropic photon spectra:

t
0�1
N� =

c

2�02

Z 1

0

d✏0

✏02
dn0

�

d✏0
(✏0)

Z 2�0
✏
0

0
d✏̄ ✏̄ �N�(✏̄) , (1.20)

where �N�(✏̄) is the photodisintegration cross section. Benchmark calculations of interaction
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Delta resonance

Atoyan & Dermer, 2003
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Photo-hadronic interaction timescale

invariant energy of interaction = 
photon energy in proton rest frame

μ̄ =
1
βp [ ϵ

γpϵ̄
− 1] and dμ̄ =

1
βpγp

dϵ
dϵ̄
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7. the Waxman-Bahcall bound limiting the diffuse neutrino intensity
given the measured intensity of UHECRs;

8. calculations of the diffuse neutrino background from photopion reac-
tions between UHECRs and photons of the CMBR, for different SFRs;
and

9. photodisintegration of ions.

By extending these ideas to UHECR ions, we can construct a model to
confront HiRes and Auger data on the UHECR spectrum, including the
GZK cutoff which was observed with the HiRes observatory in Utah [182]
and the Pierre Auger Observatory (PAO) in Argentina [183]. We can also
make flux predictions for high-energy neutrino astronomy, both at PeV
energies from source neutrinos and at EeV energies from cosmogenic neu-
trinos [184].

9.1 SCATTERING AND ENERGY-LOSS TIMESCALES

Let the cross section for a photohadronic process be denoted σγp(εr ). The
cross section depends only on the invariant energy of the interaction,

√
sint = εr = γpε(1 − βpµ), (9.2)

which is equal to the energy of the photon in the proton’s rest frame. Here
the proton has Lorentz factor γp = Ep/mpc2 = (1−β2

p)−1/2, ε = hν/mec
2,

µ = cos θ , and θ is the angle between the directions of the interacting
photon and proton.

The photohadronic interaction rate (and therefore the inverse of the scat-
tering timescale) for ultrarelativistic hadrons in a radiation field described
by the spectral number density nph(ε, ') = dNph/dεd'dV , which is in
general anisotropic, is given by

Ṅ sc(γp) = c

∮
d'

∫ ∞

0
dε (1 − βpµ) nph(ε, ') σγp(εr ), (9.3)

from eq. (2.40).
In an inelastic collision leading to electron-positron pair or pion

production, an ultrarelativistic proton loses, on average, a fraction K(εr )
of its original energy, hence K(εr ) is the inelasticity of the collision. The
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Figure 1.7: Total photohadronic cross sections for proton (left) and for iron (right). We show the total
cross section (blue thick line) and the contributions from various channels. The cross section models are
from Mücke et al. (2000) and Rachen (1996).

At the highest energies, the fragmentation of a “fireball” into quark-antiquark pairs corresponds
to statistical multipion production.

The proton energy-losses depend on the regime of photomeson production. The inelasticity
characterizes the energy loss of the primary particle during the interaction. From Atoyan and
Dermer (2003), the total cross section and inelasticity can be approximated by two step func-
tions, accounting for resonances and direct channels in the low energy part, and for multipion
production in the high energy part

�p�(✏̄) =

(
340 µb, ✏̄th < ✏̄ < 500MeV ,

120 µb, ✏̄ > 500MeV ,
(1.18)

p�(✏̄) =

(
0.2, ✏̄th < ✏̄ < 500MeV ,

0.6, ✏̄ > 500MeV ,
(1.19)

with ✏̄th = 0.2GeV the interaction threshold energy in the proton rest frame. We note the lower
cross section at high energies, but with larger proton energy losses at each interaction.

The nuclei mass-losses also depend on the photodisintegration regime. At the lowest energies,
one or a few nucleons can be ejected from the heated nucleus. The branching ratios for nucleon
emissions have been studied in Puget et al. (1976), in the range ✏̄ = 30� 150MeV. As data get
sparser with increasing energy, it is di�cult to treat the production of secondary nuclei in great
detail, which induces large uncertainties on the nuclear cascades. In the fragmentation regime,
nuclei might be fragmented into multiple pieces and the choice of the heaviest fragment might
be ambiguous. In the case of light nuclei, the various interaction channels can be considered
individually. As ✏̄ ⇠ ✏

0
�
0, high-energy regimes can be dominant for very hard photon spectra,

which might be the case for instance if accelerated cosmic rays interact with a gamma-ray burst
prompt emission. The propagation and interactions of nuclei in systems should therefore be
treated carefully.

For the various aforementioned regimes, the photodisintegration interaction timescales are cal-
culated as follows, in the case of isotropic photon spectra:

t
0�1
N� =

c

2�02

Z 1

0

d✏0

✏02
dn0

�

d✏0
(✏0)

Z 2�0
✏
0

0
d✏̄ ✏̄ �N�(✏̄) , (1.20)

where �N�(✏̄) is the photodisintegration cross section. Benchmark calculations of interaction
and energy-loss timescale are illustrated in section 2.4.3, with analytic or numerical approaches.

Photo-disintegration
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α

Fe nuclei

3

the Larmor radius of a particle should be smaller than the
effective size of the acceleration region (the Hillas con-
dition). In addition, the acceleration time scale should
be smaller than the dynamical time scale tdyn (which is
essentially the same as the Hillas condition in our in-
terested cases) and escape time scale tesc. The maxi-
mum energy is also limited by the total cooling time scale
t−1
cool ≡ t−1

Nγ+t−1
syn+t−1

IC +t−1
ad . Here, tsyn is the synchrotron

cooling time scale, tIC is the inverse-Compton cooling
time scale and tad is the adiabatic cooling time scale. In
cases of GRBs, we shall use tad ≈ tdyn [30, 35, 50, 51].
tNγ is the photohadronic time scale which includes the
photodisintegration, photomeson production and pho-
topair production processes. For protons with sufficiently
high energies, the photomeson production process is the
most important, whose energy loss time scale is given by

t−1
pγ (εp) =

c

2γ2
p

∫

∞

ε̄th

dε̄ σpγ(ε̄)κp(ε̄)ε̄

∫

∞

ε̄/2γp

dε ε−2dn

dε
, (2)

where ε̄ is the photon energy in the rest frame of pro-
ton, γp is the proton’s Lorentz factor, κp is the inelas-
ticity of proton, and ε̄th ≈ 145 MeV is the threshold
photon energy for photomeson production. For heavier
nuclei than proton, both of the photodisintegration and
photomeson production processes are important, whose
time scales are given by the similar expression to Eq.
(2) [52]. In order to decide whether a kind of UHE nu-
clei can survive or not, we calculate the interaction time
scale of photodisintegration and photomeson production
by using the numerical simulation kit Geant4 [53], which
includes the cross section data based on experimental
data [54]. As seen later, it is important to use the accu-
rate cross section in the high-energy range. Although we
evaluate tNγ by numerical calculations, the simple ana-
lytic treatment is often useful. The most frequently used
approximation for the photomeson production process
is the ∆−resonance approximation (see, e.g., [30, 34]).
The corresponding one for the photodisintegration pro-
cess is the Giant-Dipole-Resonance (GDR) approxima-
tion. Similarly, we can apply it to the GDR approxima-
tion for a broken power-law photon spectrum. We have

t−1
Nγ $

Uγ

5εb
cσres

∆ε̄

ε̄res

{

(EN/Eb
N )

β−1

(EN/Eb
N )

α−1 , (3)

where Eb
N $ 0.5ε̄resmNc2Γ2/εbob, α is a photon index

in lower energies while β in higher energies. The pa-
rameter regions for the upper and lower columns are
EN < Eb

N and EN ≥ Eb
N , respectively. Here εbob is

the break energy measured by the observer in the lo-
cal rest frame, and Uγ is the total photon energy den-
sity. For example, a Band function which reproduces
spectra of the prompt emission, can be approximated
by a broken power-law spectrum. Spectra of after-
glows are also expressed by several segments of power-
law spectra. The cross section at the resonant energy
ε̄res is expressed as σres. For GDR of nucleon, we use

σGDR ∼ 1.45 × 10−27 cm2 A, ε̄GDR ∼ 42.65A−0.21 MeV
and ∆ε̄ ∼ 8 MeV [52, 55, 56, 57]. In the case of
∆−resonance of proton, we use σ∆ ∼ 4 × 10−28 cm2,
ε̄∆ ∼ 0.3 GeV, ∆ε̄ ∼ 0.2 GeV and κp ∼ 0.2 [30, 34].
These approximations reproduce numerical results well
except in high energies. In high energies, effects of non-
GDR and/or non-∆-resonance such as fragmentation and
multi-pion production can become important, as seen
later. This tendency can also be seen in tpγ . As pointed
out in Ref. [8], the effect of non-∆-resonance such as
multi-pion production becomes moderately important in
high energies for spectra of the prompt emission where
α ∼ 1.
For later discussions, let us introduce optical depths

for photodisintegration of nuclei and photomeson pro-
duction of protons, and define fNγ ≡ tdyn/tNγ and
fpγ ≡ tdyn/tpγ , respectively. These quantities express
whether cosmic rays can survive in the source or not. For
example, cosmic rays can survive from the photodisinte-
gration and photomeson production processes if fNγ < 1,
while not if fNγ ≥ 1.
In the following subsections, we shall show that high-

energy cosmic-ray nuclei can be produced in the internal
and external shock models for HL and LL GRBs. GRBs
may be even UHECR sources. In such cases, note that
cosmic rays have to be accelerated above 1020 eV from
observations of the highest energy events and the exis-
tence of the bump around the GZK cutoff energy. We
shall allow for possibilities that observed highest UHE-
CRs are UHE nuclei. It is because, although the arrival
distribution and spectrum of UHECRs may be consistent
with the proton model, some authors claimed that UHE
nuclei are more important.

A. Internal Shock Model

The internal shock model is one of the most frequently
discussed models in order to explain the prompt emission.
Relativistic outflows make internal collisions, which lead
to internal dissipation via shocks. The formed shocks will
be mildly relativistic shocks, and charged particles will
be accelerated at those collisionless shocks by some mech-
anism such as the Fermi acceleration mechanism. HL
GRBs have luminosity Lγ ∼ 1051−52 ergs/s and the ob-
served peak energy εbob ∼ 102.5 keV. The isotropic equiv-
alent energy is Eiso

γ ∼ 1053 ergsLγ,52[δt−1/(1 + z)]N2.
Here δt is the variability time which can vary in the
very wide range and N is the number of collisions. A
typical collision radius will be expressed by commonly
used relation, r ≈ 1.2 × 1014Γ2

2.5[δt/0.02(1 + z) s] cm.
Of course, this radius has to be smaller than the de-
celeration radius where the afterglow begins. As dis-
cussed in Refs. [8, 36, 58], an internal collision radius
is one of the most important quantities for the pho-
tomeson production. A collision radius r ∼ 1013−15

cm is frequently assumed. The magnetic field is given

by B = 7.3× 104 Gε1/2B (Γsh(Γsh − 1)/2)1/2L1/2
M,52Γ

−1
2.5r

−1
14 .
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For later discussions, let us introduce optical depths

for photodisintegration of nuclei and photomeson pro-
duction of protons, and define fNγ ≡ tdyn/tNγ and
fpγ ≡ tdyn/tpγ , respectively. These quantities express
whether cosmic rays can survive in the source or not. For
example, cosmic rays can survive from the photodisinte-
gration and photomeson production processes if fNγ < 1,
while not if fNγ ≥ 1.
In the following subsections, we shall show that high-

energy cosmic-ray nuclei can be produced in the internal
and external shock models for HL and LL GRBs. GRBs
may be even UHECR sources. In such cases, note that
cosmic rays have to be accelerated above 1020 eV from
observations of the highest energy events and the exis-
tence of the bump around the GZK cutoff energy. We
shall allow for possibilities that observed highest UHE-
CRs are UHE nuclei. It is because, although the arrival
distribution and spectrum of UHECRs may be consistent
with the proton model, some authors claimed that UHE
nuclei are more important.

A. Internal Shock Model

The internal shock model is one of the most frequently
discussed models in order to explain the prompt emission.
Relativistic outflows make internal collisions, which lead
to internal dissipation via shocks. The formed shocks will
be mildly relativistic shocks, and charged particles will
be accelerated at those collisionless shocks by some mech-
anism such as the Fermi acceleration mechanism. HL
GRBs have luminosity Lγ ∼ 1051−52 ergs/s and the ob-
served peak energy εbob ∼ 102.5 keV. The isotropic equiv-
alent energy is Eiso

γ ∼ 1053 ergsLγ,52[δt−1/(1 + z)]N2.
Here δt is the variability time which can vary in the
very wide range and N is the number of collisions. A
typical collision radius will be expressed by commonly
used relation, r ≈ 1.2 × 1014Γ2

2.5[δt/0.02(1 + z) s] cm.
Of course, this radius has to be smaller than the de-
celeration radius where the afterglow begins. As dis-
cussed in Refs. [8, 36, 58], an internal collision radius
is one of the most important quantities for the pho-
tomeson production. A collision radius r ∼ 1013−15

cm is frequently assumed. The magnetic field is given

by B = 7.3× 104 Gε1/2B (Γsh(Γsh − 1)/2)1/2L1/2
M,52Γ

−1
2.5r

−1
14 .

Murase et al. PRD (2008)

t−1
Aγ,i =

c
2γ2

A ∫
∞

0

nph(ϵ)
ϵ2 ∫

2γAϵ̄

0
σAγ,i(ϵ̄)dϵ̄

For interaction channel :i"Delta" approximation:

A + γtarget
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where E
0 is the proton energy in GeV units. The inelasticity of pp interactions is important

(⇠ 0.5) and therefore the protons lose their kinetic energy after only a few collision. For nuclei,
the spallation cross section (Hörandel et al., 2007) can be written

�sp(E
0) '

⇥
50.44� 7.93 log(E0) + 0.61 log2(E0)

⇤
A

�sp mb , (1.7)

where E0 is the nucleus energy in eV units and �sp = 0.97�0.022 log(E0). The typical spallation
timescale is tsp ⇠ (np�spc)�1, where np is the target density. To study the specific production
of gamma rays or neutrinos, the use of di↵erential production cross sections is preferred.

Highlights of photohadronic interactions

A general classification of photonuclear interactions has been proposed in Rachen (1996), follow-
ing the general concepts from Jackson (1975) and Rybicki and Lightman (1979). For coherent
electromagnetic interactions, the nucleus acts as a classical charge, whereas its structure is
essential to describe incoherent interactions. Among the mechanisms of interest in an astro-
physical context, relativistic dipole radiation, Inverse-Compton and Bethe-Heitler processes are
considered as coherent processes, whereas photodisintegration and photomeson production are
considered as incoherent interactions. Moreover, processes characterized by a large cross section
with a small incidence on the cosmic ray at each interaction (small energy losses, no nucleon
ejection) can be considered as quasi-continuous processes, and thus we estimate their energy-loss
timescales instead of their interaction timescales.

Relativistic dipole radiation. In an electromagnetic field (E,B), an accelerated charge
radiates the total power

Prad =
2e2�

3m2c3

⇥
(E + � ⇥B)2 � (� · E)2

⇤
, (1.8)

where e, m, � = v/c and � are respectively the charge, the mass, the speed and the Lorentz factor
of the particle. In a pure magnetic field, if E = 0, this radiation is called synchrotron radiation,
and in the comoving frame the synchrotron cooling timescale averaged over the particle pitch
angle reads

t
0
syn =

3mpc

4�T,pU
0
B

A
3

Z4

1

�0
, (1.9)

where U
0
B

= B
02
/8⇡. The quantum electrodynamic interpretation of electromagnetic interac-

tions as the exchange of virtual photons highlights the similarity between the interaction of a
relativistic charge with an electromagnetic field and a photon background. An estimate of the
virtual photon energy allows to find the classical limit of synchrotron radiation �

0
B

0 . 1017G,
the threshold of pair production. We note that for strong magnetic fields, the energy losses
become so strong that the pitch angle of the particle changes rapidly, and the strong damping of
its motion perpendicular to the magnetic field direction induces a transition from synchrotron
to curvature regime.

Inverse Compton scattering involves a charged particle, as an electron, a proton or a
charged nucleus, and a photon. We focus on the case of protons or charged nuclei N+� ! N+�.
In the proton rest frame, the energy of the incident photon is ✏̄. In the scattering frame, the
incident photon energy is ✏

0 = ✏̄/ [�0 (1 + cos ✓0)] where �
0 is the Lorentz factor of the incident

proton or nucleus and ✓
0 is the scattering angle, thus on average ✏̄ = �

0
✏
0. If the region moves

relativistically towards the observer, with a bulk Lorentz factor �, the energy of photons in the
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Figure 2.9 – Histogrammes en énergie des particules secondaires produites lors de l’interaction p-p calculés

avec le code EPOS, avec un projectile d’énergie Ep = 105 GeV. En ordonnées : le nombre de particules dans chaque

intervalle d’énergie normalisé pour une seule interaction. La ligne pointillée donne le nombre d’antiprotons.

hadronique pour quelques noyaux. Les sections e�caces utilisées ici ont été calculées avec le code
EPOS. Nous remarquons qu’à haute énergie, les libres parcours moyens des noyaux peuvent être
retrouvés à partir de celui du proton par une simple re-normalisation de A

2/3. À basse énergie,
on trouve un léger écart par rapport à cette loi.

Les réactions de spallations suivent le schéma suivant : lorsque le noyau rencontre le proton
cible, l’ensemble des nucléons du noyau se retrouvent excités et forment un ensemble de pré-
fragments. Au cours de la désexcitation, ces pré-fragments se rassemblent en quelques fragments
importants et en nucléons, tout en émettant des particules secondaires (neutrinos, photons, élec-
trons, et autre particules qui se désintègrent rapidement). La nature et le nombre des particules
ainsi produites sont très variés : le noyau primaire peut perdre quelques nucléons, se fragmen-
ter en plusieurs noyaux ou se désintégrer complètement en nucléons selon les cas. Dans chaque
cas, la fragmentation s’accompagne de l’émission de neutrinos, photons et électrons énergétiques
dont l’énergie et le nombre dépendent du type de réaction (voir une illustration des produits
secondaires dans la figure 2.9 pour le modèle d’interaction hadronique EPOS). À nouveau, la
complexité de ces réactions ne permet pas de modélisation analytique très réaliste de ces inter-
actions. Il faut ainsi recourir à des traitements numériques, et utiliser les codes d’interactions
hadroniques détaillés qui ont été développés au cours de ces dernières décennies.

49

Figure 2.8 – Libres parcours moyens d’interactions hadroniques pour le proton et di↵érents noyaux de nombre

de masse A > 1. Les sections e�caces utilisées ont été calculées avec le code EPOS. La densité de protons cibles

est de nH = 1 cm�3, valeur typique au centre d’un amas de galaxies à cœur froid. (Source : Kotera et al. 2009.)

des valeurs aux alentours de ⇠ 10�5 cm�3 vers le rayon du viriel (voir figure 6.4). Cette dernière
valeur correspond aussi à la densité typique dans les filaments de grandes structures.

Les interactions hadroniques dominantes peuvent s’écrire de la même façon que pour les
interactions photo-hadroniques (équations 2.8 et 2.9), en remplaçant le photon par un proton
thermique. Elles produisent donc également des neutrinos, des photons et des électrons et posi-
trons de haute énergie.

Les libres parcours moyens peuvent être calculés très simplement en supposant que les protons
cibles ont globalement la même énergie thermique. De plus, la section e�cace varie très peu en
fonction de l’énergie (Karol 1988) :

�pp(Ep) ⇠ 30 mb

0.95 + 0.06 ln

✓
Ep

1 GeV
� 1

◆�
, (2.21)

ce qui nous donne pour le libre parcours moyen à ultra-haute énergie :

�pp = (nH�pp)�1
⇠ 6 Mpc

⇣
nH

1 cm�3

⌘
. (2.22)

La figure 2.5 montre ce résultat : en bleu est tracé le libre parcours moyen de l’interaction p-p au
centre d’un amas de galaxies de densité baryonique 1 cm�3. On peut constater qu’au centre de
l’amas, l’interaction dominante sera de loin hadronique. La densité décroissant très rapidement,
on peut aussi remarquer que ceci ne jouera un rôle que dans une région assez centrale de l’amas
(sur 100 kpc environ).

On parle de réactions de spallation ou de fragmentation pour désigner les interactions des
noyaux avec les protons (ou avec d’autres noyaux). Pour ces interactions, la section e�cace varie
globalement comme celle des protons, mais avec un facteur multiplicatif A

2/3 (où A est le nombre
de masse du noyau) qui rend compte de l’accroissement de la taille de la particule. Cet e↵et
est illustré dans la figure 2.8 qui présente la variation des libres parcours moyens d’interaction

A + Atarget → N (π0 + π+ + π−) + X

spallation cross-section :A + ptarget
for  g/cm3nH = 1

KK et al. 2009

KK PhD 2009

Energy distribution of 
secondary particles 
produced by a  

interaction 
Calculated with EPOS

pp

t−1
sp = nAσsp c
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14 Chapter 1. The vibrant context of transient multi-messenger astronomy

observer rest frame is ✏ ⇠ �✏0 and therefore ✏̄ = ✏ �
0
/�. For a nucleus of mass Amu and charge

Ze, where mu the atomic mass unit, the total cross section is

� =
3

8x2


4 +

2x2(1 + x)

(1 + 2x)2
+

x
2
� 2x� 2

x
ln(1 + 2x)

�
�T,N (1.10)

where �T,N = �T(me/Amu)2Z4 and x = ✏̄/Amuc
2. We recall that �T = 8⇡r2e/3 = 6.6524 ⇥

10�25 cm2 is the Thomson cross section for an electron and re = e
2
/mec

2 is the electron classical
radius. In the Thomson regime (x ⌧ 1) the cross section is � ⇠ �T,p = �T(me/mp)2. In
the Klein-Nishina regime (x � 1) the cross section is � ⇠ 3/8 �T(me/mp)2x�1 (ln 2x+ 1/2).
The transition between the two regimes occurs at ✏

0
⇠ Amuc

2
/�

0. For �
0 = 109, we obtain

✏
0
⇠ 0.9 eV for proton and ✏

0
⇠ 5 ⇥ 101 eV for iron. The Inverse Compton cross section is

illustrated in figure 1.2.2.
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Figure 1.6: Inverse Compton scattering cross section for charged nuclei, normalized by the Thomson
cross section, as a function of the photon energy in the proton rest frame normalized by the nucleus rest
energy. We show the total cross section (blue solid line), the Thomson regime (orange dashed line) and
the Klein-Nishina regime (green dot-dashed line).

Following Dermer and Menon (2009), the energy-loss timescale of Inverse Compton scattering
is given by

t
0�1
IC =

c

2�03

Z 1

0

d✏0

✏02
dn0

�

d✏0
(✏0)

Z 2�0
✏
0

0
d✏̄✏̄

⇣D
✏
0
s

1
�

E
� ✏

0
D
✏
0
s

0
�

E⌘
/mNc

2
, (1.11)

where dn0
�/d✏

0 = dN�/d✏0dV is the photon energy density in the scattering frame, ✏0s is the

scattered photon energy in the scattering frame, and
D
✏
0
s

0
�

E
and

D
✏
0
s

1
�

E
are respectively the 0

and 1 moments of the di↵erential cross section. For this calculation, we consider the head-on
approximation in which the scattered photon travels in the direction of the scattering charged
particle. In the Thomson regime, the energy-loss timescale is

t
0
IC =

3mpc

4�T,pU
0
rad

A
3

Z4

1

�0
, (1.12)

where U
0
rad =

R
mNc

2
/�

0

0 d✏0 ✏0 dn0
�/d✏

0. We note the dependency of the nuclei mean free paths
compared to the proton mean free path. The transition between the Thomson and the Klein-
Nishina regimes also depend on the mass number.

Bethe-Heitler scattering corresponds to the scattering of a photon on a virtual photon from
the Coulomb field around a nucleus N� ! Ne

+
e
�. Approximations of the cross section in the
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The maximum accessible energy further depends on many details of the acceleration re-

gion but can be estimated by comparing the acceleration time, tacc, the escape time of

particles from the acceleration region tesc, the lifetime of the source, tage, and the energy

loss time due to expansion and to interactions with the ambient medium, tloss (see, e.g.,

Norman et al. 1995a; Lemoine & Waxman 2009). The condition for successful acceleration

can then be written tacc . tesc, tage, tloss. The escape timescale tesc = R
2
/(2D), where D is

the di↵usion coe�cient, depends on the characteristics of the transport of particles in the

ambient medium, i.e., on the magnetic field and on the turbulence features. Detailed stud-

ies of this subject can be found in, e.g., Jokipii (1966); Giacalone & Jokipii (1999); Casse

et al. (2002); Yan & Lazarian (2002); Candia & Roulet (2004); Marcowith et al. (2006).

Energy losses during acceleration are generally due to synchrotron radiation, to interac-

tions with the radiative backgrounds, or to hadronic interactions, the latter process being

mostly ine�cient in diluted astrophysical media. The timescale for energy losses through

synchrotron emission and pion production can be expressed in a generic way (Biermann &

Strittmatter 1987): trad = (6⇡m4

pc
3
/�Tm

2

e)E
�1

B
�2(1 + A)�1, where A = 240U�/UB cor-

responds to the ratio of the energy density of radiation leading to pion production U� , to

the magnetic energy density UB = B
2
/8⇡. In the central region of an AGN for example, as-

suming equipartition with the magnetic field (corresponding to the Eddington luminosity),

for E20 = E/1020 eV and BG = B/1G, trad ⇠ 105sE�1

20
B

�2

G
. This timescale has to be com-

pared to the acceleration timescale which reads (Lemoine & Waxman 2009): tacc = A tL,

where tL is the Larmor timescale and A & 1 for all types of Fermi acceleration (non, mildly,

or ultra-relativistic, 1st and 2nd order Fermi accelerations). For a non relativistic 1st order

Fermi acceleration for instance, A ⇠ g/�
2

sh and tacc ⇠ 107s g E20B
�1

G
�
�2

sh
, where the shock

velocity �sh ⌧ 1 and g ⌘ D/(rLc) & 1. Majoring this timescale with the radiative loss

timescale leads to a maximum acceleration energy in the central region of AGN of order:

Emax ⇠ 1019 eV g
�1/2

B
�1/2
G

�sh.

In the generic case of acceleration in an outflow, Lemoine & Waxman (2009) compare this

acceleration time and the dynamical time tdyn ⇠ R/�W�Wc of the outflow, to set a robust

lower bound on the luminosity that a source must possess in order to be able to accelerate

particles up to E = 1020 eVE20: L > LB ⌘ �WR
2
B

2
/2 > 1045 Z�2

E
2

20 erg s�1. The

magnetic luminosity LB of the source is written as a function of the size of the acceleration

region R in the observer frame, in motion with Lorentz factor �W (and velocity �W) and

imparted with a magnetic field of characteristic strength B. This quantity is not straight-

forward to derive: the classical determination of the field strength using the synchrotron

emission (assuming equipartition between the total energy density of non thermal particles

and of the magnetic field for example), depends notably on the hardly known ratio between

the leptonic and hadronic accelerated particles (e.g., Beck & Krause 2005). In the case of

blazars for example, Celotti & Ghisellini (2008) discuss that their jets are not magnetically

dominated and that Farano↵-Riley I (FRI) radio galaxies, TeV blazars, and BL Lac objects

only possess magnetic luminosities of order 1042�44 erg s�1.

It should be noted that the escape of particles from acceleration regions is an intricate

issue that has been scarcely discussed in detail in the literature (note however the works

of Norman et al. 1995a; Mannheim et al. 2001; Rachen 2008; Allard & Protheroe 2009).
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where E
0 is the proton energy in GeV units. The inelasticity of pp interactions is important

(⇠ 0.5) and therefore the protons lose their kinetic energy after only a few collision. For nuclei,
the spallation cross section (Hörandel et al., 2007) can be written

�sp(E
0) '

⇥
50.44� 7.93 log(E0) + 0.61 log2(E0)

⇤
A

�sp mb , (1.7)
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Figure 1.7: Total photohadronic cross sections for proton (left) and for iron (right). We show the total
cross section (blue thick line) and the contributions from various channels. The cross section models are
from Mücke et al. (2000) and Rachen (1996).

At the highest energies, the fragmentation of a “fireball” into quark-antiquark pairs corresponds
to statistical multipion production.

The proton energy-losses depend on the regime of photomeson production. The inelasticity
characterizes the energy loss of the primary particle during the interaction. From Atoyan and
Dermer (2003), the total cross section and inelasticity can be approximated by two step func-
tions, accounting for resonances and direct channels in the low energy part, and for multipion
production in the high energy part

�p�(✏̄) =

(
340 µb, ✏̄th < ✏̄ < 500MeV ,

120 µb, ✏̄ > 500MeV ,
(1.18)

p�(✏̄) =

(
0.2, ✏̄th < ✏̄ < 500MeV ,

0.6, ✏̄ > 500MeV ,
(1.19)

with ✏̄th = 0.2GeV the interaction threshold energy in the proton rest frame. We note the lower
cross section at high energies, but with larger proton energy losses at each interaction.

The nuclei mass-losses also depend on the photodisintegration regime. At the lowest energies,
one or a few nucleons can be ejected from the heated nucleus. The branching ratios for nucleon
emissions have been studied in Puget et al. (1976), in the range ✏̄ = 30� 150MeV. As data get
sparser with increasing energy, it is di�cult to treat the production of secondary nuclei in great
detail, which induces large uncertainties on the nuclear cascades. In the fragmentation regime,
nuclei might be fragmented into multiple pieces and the choice of the heaviest fragment might
be ambiguous. In the case of light nuclei, the various interaction channels can be considered
individually. As ✏̄ ⇠ ✏

0
�
0, high-energy regimes can be dominant for very hard photon spectra,

which might be the case for instance if accelerated cosmic rays interact with a gamma-ray burst
prompt emission. The propagation and interactions of nuclei in systems should therefore be
treated carefully.

For the various aforementioned regimes, the photodisintegration interaction timescales are cal-
culated as follows, in the case of isotropic photon spectra:

t
0�1
N� =

c

2�02

Z 1

0

d✏0

✏02
dn0

�

d✏0
(✏0)

Z 2�0
✏
0

0
d✏̄ ✏̄ �N�(✏̄) , (1.20)

where �N�(✏̄) is the photodisintegration cross section. Benchmark calculations of interaction
and energy-loss timescale are illustrated in section 2.4.3, with analytic or numerical approaches.

tip: write all these timescales  
in the comoving frame 
(primed quantities)

' '
magnetic energy density
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observer rest frame is ✏ ⇠ �✏0 and therefore ✏̄ = ✏ �
0
/�. For a nucleus of mass Amu and charge

Ze, where mu the atomic mass unit, the total cross section is

� =
3

8x2


4 +

2x2(1 + x)

(1 + 2x)2
+

x
2
� 2x� 2

x
ln(1 + 2x)

�
�T,N (1.10)

where �T,N = �T(me/Amu)2Z4 and x = ✏̄/Amuc
2. We recall that �T = 8⇡r2e/3 = 6.6524 ⇥

10�25 cm2 is the Thomson cross section for an electron and re = e
2
/mec

2 is the electron classical
radius. In the Thomson regime (x ⌧ 1) the cross section is � ⇠ �T,p = �T(me/mp)2. In
the Klein-Nishina regime (x � 1) the cross section is � ⇠ 3/8 �T(me/mp)2x�1 (ln 2x+ 1/2).
The transition between the two regimes occurs at ✏

0
⇠ Amuc

2
/�

0. For �
0 = 109, we obtain

✏
0
⇠ 0.9 eV for proton and ✏

0
⇠ 5 ⇥ 101 eV for iron. The Inverse Compton cross section is

illustrated in figure 1.2.2.

Figure 1.6: Inverse Compton scattering cross section for charged nuclei, normalized by the Thomson
cross section, as a function of the photon energy in the proton rest frame normalized by the nucleus rest
energy. We show the total cross section (blue solid line), the Thomson regime (orange dashed line) and
the Klein-Nishina regime (green dot-dashed line).

Following Dermer and Menon (2009), the energy-loss timescale of Inverse Compton scattering
is given by

t
0�1
IC =

c

2�03

Z 1

0

d✏0

✏02
dn0

�

d✏0
(✏0)

Z 2�0
✏
0

0
d✏̄✏̄

⇣D
✏
0
s

1
�

E
� ✏

0
D
✏
0
s

0
�

E⌘
/mNc

2
, (1.11)

where dn0
�/d✏

0 = dN�/d✏0dV is the photon energy density in the scattering frame, ✏0s is the

scattered photon energy in the scattering frame, and
D
✏
0
s

0
�

E
and

D
✏
0
s

1
�

E
are respectively the 0

and 1 moments of the di↵erential cross section. For this calculation, we consider the head-on
approximation in which the scattered photon travels in the direction of the scattering charged
particle. In the Thomson regime, the energy-loss timescale is

t
0
IC =

3mpc

4�T,pU
0
rad

A
3

Z4

1

�0
, (1.12)

where U
0
rad =

R
mNc

2
/�

0

0 d✏0 ✏0 dn0
�/d✏

0. We note the dependency of the nuclei mean free paths
compared to the proton mean free path. The transition between the Thomson and the Klein-
Nishina regimes also depend on the mass number.

Bethe-Heitler scattering corresponds to the scattering of a photon on a virtual photon from
the Coulomb field around a nucleus N� ! Ne

+
e
�. Approximations of the cross section in the

t′ acc ≲ t′ dyn, t′ esc, t′ loss, t′ age . . .

Γw
Θ

R, B

The maximum accessible energy further depends on many details of the acceleration re-

gion but can be estimated by comparing the acceleration time, tacc, the escape time of

particles from the acceleration region tesc, the lifetime of the source, tage, and the energy

loss time due to expansion and to interactions with the ambient medium, tloss (see, e.g.,

Norman et al. 1995a; Lemoine & Waxman 2009). The condition for successful acceleration

can then be written tacc . tesc, tage, tloss. The escape timescale tesc = R
2
/(2D), where D is

the di↵usion coe�cient, depends on the characteristics of the transport of particles in the

ambient medium, i.e., on the magnetic field and on the turbulence features. Detailed stud-

ies of this subject can be found in, e.g., Jokipii (1966); Giacalone & Jokipii (1999); Casse

et al. (2002); Yan & Lazarian (2002); Candia & Roulet (2004); Marcowith et al. (2006).

Energy losses during acceleration are generally due to synchrotron radiation, to interac-

tions with the radiative backgrounds, or to hadronic interactions, the latter process being

mostly ine�cient in diluted astrophysical media. The timescale for energy losses through

synchrotron emission and pion production can be expressed in a generic way (Biermann &

Strittmatter 1987): trad = (6⇡m4

pc
3
/�Tm

2

e)E
�1

B
�2(1 + A)�1, where A = 240U�/UB cor-

responds to the ratio of the energy density of radiation leading to pion production U� , to

the magnetic energy density UB = B
2
/8⇡. In the central region of an AGN for example, as-

suming equipartition with the magnetic field (corresponding to the Eddington luminosity),

for E20 = E/1020 eV and BG = B/1G, trad ⇠ 105sE�1

20
B

�2

G
. This timescale has to be com-

pared to the acceleration timescale which reads (Lemoine & Waxman 2009): tacc = A tL,

where tL is the Larmor timescale and A & 1 for all types of Fermi acceleration (non, mildly,

or ultra-relativistic, 1st and 2nd order Fermi accelerations). For a non relativistic 1st order

Fermi acceleration for instance, A ⇠ g/�
2

sh and tacc ⇠ 107s g E20B
�1

G
�
�2

sh
, where the shock

velocity �sh ⌧ 1 and g ⌘ D/(rLc) & 1. Majoring this timescale with the radiative loss

timescale leads to a maximum acceleration energy in the central region of AGN of order:

Emax ⇠ 1019 eV g
�1/2

B
�1/2
G

�sh.

In the generic case of acceleration in an outflow, Lemoine & Waxman (2009) compare this

acceleration time and the dynamical time tdyn ⇠ R/�W�Wc of the outflow, to set a robust

lower bound on the luminosity that a source must possess in order to be able to accelerate

particles up to E = 1020 eVE20: L > LB ⌘ �WR
2
B

2
/2 > 1045 Z�2

E
2

20 erg s�1. The

magnetic luminosity LB of the source is written as a function of the size of the acceleration

region R in the observer frame, in motion with Lorentz factor �W (and velocity �W) and

imparted with a magnetic field of characteristic strength B. This quantity is not straight-

forward to derive: the classical determination of the field strength using the synchrotron

emission (assuming equipartition between the total energy density of non thermal particles

and of the magnetic field for example), depends notably on the hardly known ratio between

the leptonic and hadronic accelerated particles (e.g., Beck & Krause 2005). In the case of

blazars for example, Celotti & Ghisellini (2008) discuss that their jets are not magnetically

dominated and that Farano↵-Riley I (FRI) radio galaxies, TeV blazars, and BL Lac objects

only possess magnetic luminosities of order 1042�44 erg s�1.

It should be noted that the escape of particles from acceleration regions is an intricate

issue that has been scarcely discussed in detail in the literature (note however the works

of Norman et al. 1995a; Mannheim et al. 2001; Rachen 2008; Allard & Protheroe 2009).
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48 Chapter 2. Comparing explosive transients

Magnetar giant flares

In this first example, we consider an explosive transient with a bolometric luminosity Lbol =
2 ⇥ 1047 erg s�1, a bulk Lorentz factor � = 10, a variability timescale tvar = 10�2 s and a total
duration tdur = 1 s. The photon spectrum used as a target for photohadronic interactions is a
power law characterized by a very hard spectral index a = 0.1 below ✏

0
b = 5keV and b = 3.1

above. The mean free paths for photohadronic interactions are illustrated in figure 2.6, together
with the typical size of the radiation region and the acceleration timescale, for a maximally
e�cient acceleration process ⌘acc = 1. We see that e�cient pion production is expected above
�
0
⇠ 104. Due to the hard photon spectrum, mainly photons at and above the break energy

contribute to photopion production. This leads to tp� / �
01�b below the break Lorentz factor

�
0
break ⇠ ✏̄th/✏

0
b ⇠ 4⇥ 104 and a constant tp� above the break Lorentz factor. Synchrotron losses

dominate above �
0
⇠ 108. Moreover, acceleration is limited by synchrotron losses. Inverse-

Compton and Bethe-Heitler losses are subdominant except for �
0 . 103 where Bethe-Heitler

interactions are the dominant process.
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Figure 2.6: Proton energy-loss and interaction lengths for the magnetar example. We show the accel-
eration length and typical size of the radiation region.

The cosmic-ray and neutrino spectra are illustrated in figure 2.7, for a source located at DL =
15 kpc. We consider a power law injection spectrum of index 1.5 for protons, between E

0
p,min

and E
0
p,max. The minimum energy is not well constrained, and we consider E

0
p,min ⇠ 1012 eV

in this example. The maximum energy is deduced from the competition between acceleration
and energy-loss processes, which gives E0

p,max ⇠ 1017 eV. Thus we consider that the acceleration
process is able to produce a power-law spectrum over a large energy range. As expected, the
cosmic-ray spectrum is strongly a↵ected by the photopion production. The high-energy cut-o↵ is
due to synchrotron losses, preventing protons above ⇠ 1018 eV from escaping the source. More-
over, the neutrino spectrum is strongly a↵ected by secondary losses (mainly synchrotron losses
of muons). Without secondary losses, the neutrino spectrum peeks around 1016 eV whereas it
peaks around 1014 eV when secondary losses are accounted for. Below 1013 eV, the spectral index
is not exactly given by E

2
⌫F⌫ / E

1�↵+b
⌫ , which is certainly a consequence of the accumulation

of protons below 1014 eV due to photopion energy losses. Without secondary losses, the inter-
mediate spectral index between 1013 eV and 1016 eV is given by E

2
⌫F⌫ / E

2�↵
⌫ , as expected for

e�cient photopion production. Interestingly, this category of explosive transients could produce
a large amount of high-energy neutrinos in the energy range 1013 � 1015 eV, where the IceCube
experiment has the highest sensitivity. The source model used in this simple example would lead
to the production of neutrino flares detectable with IceCube, and would be at the detectability
limit for a baryon loading of ⌘p = 0.1.
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e.g., Guépin & KK (2017), 
Guépin et al. (2018)  
and many refs. therein

magnetar case

C. Guépin PhD (2019)
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Secondary neutrino & gamma-ray energies
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Neutrino energies at the source
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Figure 4. Comparison between typical cooling/decay lengths for secondary mesons. Left: Typical
cooling lengths for ⇡ as a function of the particle Lorentz factor, at 103 s. Right: Mean free paths for
⇡ as function of time for a fixed Lorentz factor � = 107.

Following the computations of section 4.2, we calculate analytical estimates of energy-
loss timescales of charged pions. The photon-mesons interaction time can be written as

t
�1

⇡� (�⇡) =
c

2�2⇡

Z 1

0

d✏r ✏r�⇡�(✏r)K⇡�(✏r)

Z ✏r/2�⇡

0

d✏
nphoton(✏)

✏2
,

= 8⇡ c

✓
kBT

h c

◆
3�
e
�x1(x1 + 1) h�1K1i+ e

�x2(x2 + 1) h�2K2i
�
, (4.7)

where x1 = (✏a � ✏b)/(2� kBT ) and x2 = (✏b � ✏c)/(2� kBT ), with the following resonance
parametrisation ✏a = 0, ✏b = 2m⇡c

2 and ✏c = 3m⇡c
2, �1 = 10µb, �2 = 25µb [78] and

assuming K1 = K2 = 0.5.
The pion-hadron and muon-hadron interaction times can be analytically estimated by

t
�1

⇡p = np,ej �⇡pK⇡p c , (4.8)
t
�1

µp = np,ej �µpKµp c , (4.9)

where �⇡p = 5⇥10�26 cm2, �µp = 1⇥10�30 cm2 and K⇡p = Kµp = 0.8 [17]. For comparison,
the typical decay times for pions and muons are tdecay,⇡ ⇠ 2.6 ⇥ 10�1

�⇡,7 s and tdecay,µ ⇠
2.2 �µ,6 s.

Figure 4 shows the evolution of the typical lengths related to interactions, cooling pro-
cesses and decay of charged pions in the optimistic scenario. The plot for muons is similar,
with larger decay length and no photomeson interactions. On the left panel, we show the mean
free paths as a function of Lorentz factor, for a given time t = 103 s after the merger. The
lower intersection of the decay length with the typical length of any cooling/interaction pro-
cess indicates the maximum energy at which charged pions or muons can decay and produce
neutrinos.

In the left panel of Figure 4, charged pions with Lorentz factor above � ⇠ 106 do not
directly decay but first undergo a cascade of photo-mesons processes (solid blue lines), losing
energy and ending up in the left-hand side of this plot, where the decay length is the shortest.

The backgrounds evolve with time, leading to changes in the hierarchy of the interactions
lengths. For a given Lorentz factor, charged pions and muons can produce neutrinos, only

– 14 –

Decoene et al. (2020)

Example: pions in a kilonova ejecta

pion & muon cooling
in dense environments
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Maximum neutrino energy for transient sources Guépin & KK (2017)  
Guépin, KK, Oikonomou, Nat. subm.
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Meson production rates tip: write all these timescales  
in the comoving frame 
(primed quantities)

fmes =
t′ min

t′ pγ,pp

t′ min = min (t′ dyn, t′ acc, t′ loss, t′ diff, . . . )
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Figure 1.7: Total photohadronic cross sections for proton (left) and for iron (right). We show the total
cross section (blue thick line) and the contributions from various channels. The cross section models are
from Mücke et al. (2000) and Rachen (1996).

At the highest energies, the fragmentation of a “fireball” into quark-antiquark pairs corresponds
to statistical multipion production.

The proton energy-losses depend on the regime of photomeson production. The inelasticity
characterizes the energy loss of the primary particle during the interaction. From Atoyan and
Dermer (2003), the total cross section and inelasticity can be approximated by two step func-
tions, accounting for resonances and direct channels in the low energy part, and for multipion
production in the high energy part

�p�(✏̄) =

(
340 µb, ✏̄th < ✏̄ < 500MeV ,

120 µb, ✏̄ > 500MeV ,
(1.18)

p�(✏̄) =

(
0.2, ✏̄th < ✏̄ < 500MeV ,

0.6, ✏̄ > 500MeV ,
(1.19)

with ✏̄th = 0.2GeV the interaction threshold energy in the proton rest frame. We note the lower
cross section at high energies, but with larger proton energy losses at each interaction.

The nuclei mass-losses also depend on the photodisintegration regime. At the lowest energies,
one or a few nucleons can be ejected from the heated nucleus. The branching ratios for nucleon
emissions have been studied in Puget et al. (1976), in the range ✏̄ = 30� 150MeV. As data get
sparser with increasing energy, it is di�cult to treat the production of secondary nuclei in great
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individually. As ✏̄ ⇠ ✏

0
�
0, high-energy regimes can be dominant for very hard photon spectra,

which might be the case for instance if accelerated cosmic rays interact with a gamma-ray burst
prompt emission. The propagation and interactions of nuclei in systems should therefore be
treated carefully.

For the various aforementioned regimes, the photodisintegration interaction timescales are cal-
culated as follows, in the case of isotropic photon spectra:
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2�02

Z 1
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✏02
dn0

�

d✏0
(✏0)

Z 2�0
✏
0

0
d✏̄ ✏̄ �N�(✏̄) , (1.20)

where �N�(✏̄) is the photodisintegration cross section. Benchmark calculations of interaction
and energy-loss timescale are illustrated in section 2.4.3, with analytic or numerical approaches.

t′ 
−1
pp = npσpp c{

synchrotron radiation in B

inverse Compton

1.2 Acceleration and interaction processes 13

where E
0 is the proton energy in GeV units. The inelasticity of pp interactions is important

(⇠ 0.5) and therefore the protons lose their kinetic energy after only a few collision. For nuclei,
the spallation cross section (Hörandel et al., 2007) can be written

�sp(E
0) '

⇥
50.44� 7.93 log(E0) + 0.61 log2(E0)

⇤
A

�sp mb , (1.7)

where E0 is the nucleus energy in eV units and �sp = 0.97�0.022 log(E0). The typical spallation
timescale is tsp ⇠ (np�spc)�1, where np is the target density. To study the specific production
of gamma rays or neutrinos, the use of di↵erential production cross sections is preferred.

Highlights of photohadronic interactions

A general classification of photonuclear interactions has been proposed in Rachen (1996), follow-
ing the general concepts from Jackson (1975) and Rybicki and Lightman (1979). For coherent
electromagnetic interactions, the nucleus acts as a classical charge, whereas its structure is
essential to describe incoherent interactions. Among the mechanisms of interest in an astro-
physical context, relativistic dipole radiation, Inverse-Compton and Bethe-Heitler processes are
considered as coherent processes, whereas photodisintegration and photomeson production are
considered as incoherent interactions. Moreover, processes characterized by a large cross section
with a small incidence on the cosmic ray at each interaction (small energy losses, no nucleon
ejection) can be considered as quasi-continuous processes, and thus we estimate their energy-loss
timescales instead of their interaction timescales.

Relativistic dipole radiation. In an electromagnetic field (E,B), an accelerated charge
radiates the total power

Prad =
2e2�

3m2c3

⇥
(E + � ⇥B)2 � (� · E)2

⇤
, (1.8)

where e, m, � = v/c and � are respectively the charge, the mass, the speed and the Lorentz factor
of the particle. In a pure magnetic field, if E = 0, this radiation is called synchrotron radiation,
and in the comoving frame the synchrotron cooling timescale averaged over the particle pitch
angle reads

t
0
syn =

3mpc

4�T,pU
0
B

A
3

Z4

1

�0
, (1.9)

where U
0
B

= B
02
/8⇡. The quantum electrodynamic interpretation of electromagnetic interac-

tions as the exchange of virtual photons highlights the similarity between the interaction of a
relativistic charge with an electromagnetic field and a photon background. An estimate of the
virtual photon energy allows to find the classical limit of synchrotron radiation �

0
B

0 . 1017G,
the threshold of pair production. We note that for strong magnetic fields, the energy losses
become so strong that the pitch angle of the particle changes rapidly, and the strong damping of
its motion perpendicular to the magnetic field direction induces a transition from synchrotron
to curvature regime.

Inverse Compton scattering involves a charged particle, as an electron, a proton or a
charged nucleus, and a photon. We focus on the case of protons or charged nuclei N+� ! N+�.
In the proton rest frame, the energy of the incident photon is ✏̄. In the scattering frame, the
incident photon energy is ✏

0 = ✏̄/ [�0 (1 + cos ✓0)] where �
0 is the Lorentz factor of the incident

proton or nucleus and ✓
0 is the scattering angle, thus on average ✏̄ = �

0
✏
0. If the region moves

relativistically towards the observer, with a bulk Lorentz factor �, the energy of photons in the
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The maximum accessible energy further depends on many details of the acceleration re-

gion but can be estimated by comparing the acceleration time, tacc, the escape time of

particles from the acceleration region tesc, the lifetime of the source, tage, and the energy

loss time due to expansion and to interactions with the ambient medium, tloss (see, e.g.,

Norman et al. 1995a; Lemoine & Waxman 2009). The condition for successful acceleration

can then be written tacc . tesc, tage, tloss. The escape timescale tesc = R
2
/(2D), where D is

the di↵usion coe�cient, depends on the characteristics of the transport of particles in the

ambient medium, i.e., on the magnetic field and on the turbulence features. Detailed stud-

ies of this subject can be found in, e.g., Jokipii (1966); Giacalone & Jokipii (1999); Casse

et al. (2002); Yan & Lazarian (2002); Candia & Roulet (2004); Marcowith et al. (2006).

Energy losses during acceleration are generally due to synchrotron radiation, to interac-

tions with the radiative backgrounds, or to hadronic interactions, the latter process being

mostly ine�cient in diluted astrophysical media. The timescale for energy losses through

synchrotron emission and pion production can be expressed in a generic way (Biermann &

Strittmatter 1987): trad = (6⇡m4

pc
3
/�Tm

2

e)E
�1

B
�2(1 + A)�1, where A = 240U�/UB cor-

responds to the ratio of the energy density of radiation leading to pion production U� , to

the magnetic energy density UB = B
2
/8⇡. In the central region of an AGN for example, as-

suming equipartition with the magnetic field (corresponding to the Eddington luminosity),

for E20 = E/1020 eV and BG = B/1G, trad ⇠ 105sE�1

20
B

�2

G
. This timescale has to be com-

pared to the acceleration timescale which reads (Lemoine & Waxman 2009): tacc = A tL,

where tL is the Larmor timescale and A & 1 for all types of Fermi acceleration (non, mildly,

or ultra-relativistic, 1st and 2nd order Fermi accelerations). For a non relativistic 1st order

Fermi acceleration for instance, A ⇠ g/�
2

sh and tacc ⇠ 107s g E20B
�1

G
�
�2

sh
, where the shock

velocity �sh ⌧ 1 and g ⌘ D/(rLc) & 1. Majoring this timescale with the radiative loss

timescale leads to a maximum acceleration energy in the central region of AGN of order:

Emax ⇠ 1019 eV g
�1/2

B
�1/2
G

�sh.

In the generic case of acceleration in an outflow, Lemoine & Waxman (2009) compare this

acceleration time and the dynamical time tdyn ⇠ R/�W�Wc of the outflow, to set a robust

lower bound on the luminosity that a source must possess in order to be able to accelerate

particles up to E = 1020 eVE20: L > LB ⌘ �WR
2
B

2
/2 > 1045 Z�2

E
2

20 erg s�1. The

magnetic luminosity LB of the source is written as a function of the size of the acceleration

region R in the observer frame, in motion with Lorentz factor �W (and velocity �W) and

imparted with a magnetic field of characteristic strength B. This quantity is not straight-

forward to derive: the classical determination of the field strength using the synchrotron

emission (assuming equipartition between the total energy density of non thermal particles

and of the magnetic field for example), depends notably on the hardly known ratio between

the leptonic and hadronic accelerated particles (e.g., Beck & Krause 2005). In the case of

blazars for example, Celotti & Ghisellini (2008) discuss that their jets are not magnetically

dominated and that Farano↵-Riley I (FRI) radio galaxies, TeV blazars, and BL Lac objects

only possess magnetic luminosities of order 1042�44 erg s�1.

It should be noted that the escape of particles from acceleration regions is an intricate

issue that has been scarcely discussed in detail in the literature (note however the works

of Norman et al. 1995a; Mannheim et al. 2001; Rachen 2008; Allard & Protheroe 2009).
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Secondary spectra at the source

ex: Prompt GRB gamma-ray spectrum (Band function)

Photon spectrum: Broken power-law

Cosmic-ray spectrum:  

Assuming some acceleration mechanism

1 ≲ α ≲ 3
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3.4. Results

The maximal accessible energy of protons (left panels) and
an indicative (i.e., neglecting possible reacceleration) max-
imal energy of neutrinos (right panels) as a function of the
variability timescale and the total luminosity are displayed
in Figure 1 for three bulk Lorentz factors � = 1, 10, 100
from top to bottom. The beige region is excluded on all
figures as it corresponds to an energetic budget tvarLbol >
1054 erg: this exceeds the energetic budget of GRBs, which
are the most energetic transient events observed with pho-
tons in our Universe. White and gray patches locate typical
transient sources discussed in Section 5.1 in the parameter
space.

One can distinguish two regimes in the Lbol � tvar
parameter-space: adiabatic (synchrotron) cooling is dom-
inant at low (high) luminosity. The transition between the
two regimes depends on the bulk Lorentz factor: it is shifted
towards higher luminosities when � increases. The limits set
by disintegration timescales appear as vertical lines on the
righthand column of Figure 1. As expected, they play an
important role for low variability timescales.

For non-relativistic outflows (� ⇠ 1), mild luminosities
Lbol > 1036 erg s�1 and variability timescales longer than
tvar ⇠ 10 s are required to reach E⌫ > 100TeV, the lower
limit of the IceCube detection range. This limit is related
to the large fluxes of atmospheric neutrino at E⌫ . 100
TeV, although the experiment endeavors to lower this limit
(Aartsen et al. 2016a). Sensitivities of future experiments
such as ARA, ARIANNA or GRAND, aiming at ener-
gies E⌫ > 1 EeV, would be reached for higher luminosi-
ties Lbol > 1042 erg s�1 and longer variability timescales
tvar > 106 s.

Our results are consistent with the dedicated studies
that can be found in the literature for particular sources
with mildly and ultra-relativistic outflows (� = 10 and
300 in our examples). We find that High-Luminosity (HL)
GRBs can accelerate protons up to 1020 eV, which cor-
responds to classical estimates (e.g., Waxman & Bahcall
2000; Murase et al. 2008; Bustamante et al. 2016). They
could in principle produce very high energy neutrinos, with
E⌫ . 1018 eV. In this case muon decay constitutes a very
strong limiting factor and hence the maximal energy de-
pends strongly on the variability timescale. Blazars, Low-
Luminosity (LL) GRBs and Tidal Disruption Events (TDE)
are also powerful accelerators with Ep,max ⇠ 1019 eV, and
associated neutrino maximal energy E⌫ ⇠ 1018 eV. We note
that muon decay is not a limiting factor for Blazars.

We caution again that these estimates are indicative,
and constitute maximal achievable neutrino energies, ne-
glecting possible secondary re-acceleration. In the next sec-
tion, we evaluate the neutrinos fluxes associated with these
various flaring events in order to assess their detectability.

4. Neutrino flux and detectability limit

4.1. Maximal neutrino flux

As a first approximation, we consider that the flare pho-
ton spectrum follows a broken power-law over the energy
range [✏min, ✏max], with an observed break energy ✏b, corre-
sponding observed (isotropic equivalent) luminosity set as

Lb, and spectral indices a < b, with b > 2:

L�(✏) = ✏2
dṄ�

d✏
=

(
Lb (✏/✏b)

2�a ✏min  ✏  ✏b ,

Lb (✏/✏b)
2�b ✏b < ✏ < ✏max .

(11)

This kind of spectrum is adequate to model non-thermal
processes, as synchrotron emission for instance. It is quite
appropriate in many cases, e.g. for most GRBs or for the
Crab flares. However, the Spectral Energy Distribution
(SED) of explosive transients show a large diversity, and
our approach should be refined by using more realistic SED,
adapted to several typical sources such as Blazars or Mag-
netars. We leave this issue for further studies.

The neutrino flux can be estimated from the proton en-
ergy spectrum E2

pFp (Waxman & Bahcall 1999):

E2

⌫F⌫ =
3

8
fp�E

2

pFp , (12)

where the photo-pion production efficiency fp� ⌘ t0
dyn

/t0p�
is the key parameter to determine. The photo-pion produc-
tion timescale in the comoving frame t0p� can be written

t0�1

p� = c h�p�p�i

Z 1

✏0th

d✏0
dn0

�

d✏0
(✏0) , (13)

with ✏0
th

the interaction threshold energy in the comoving
frame. We have approximated the cross-section �p� and in-
elasticity p� profiles by the sum of two step functions, as
in Atoyan & Dermer (2003):

�p�(✏
00) =

⇢
340 µb, ✏00

th
< ✏00 < 500MeV ,

120 µb, ✏00 > 500MeV ,
(14)

p�(✏
00) =

⇢
0.2, ✏00

th
< ✏00 < 500MeV ,

0.6, ✏00 > 500MeV ,
(15)

with ✏00
th

= 0.2GeV the interaction threshold energy in the
proton rest frame. The photon energy density in the co-
moving frame, dn0

�/d✏
0, associated to the flaring event is

estimated from the observations, using Eq. (11)

dn0
�

d✏0
(✏0) =

L0
b

4⇡R02c✏02
b

⇥

(
(✏0/✏0

b
)�a ✏0 < ✏0

b
,

(✏0/✏0
b
)�b ✏0 > ✏0

b
.

(16)

One can obtain an equivalent expression whatever the ge-
ometry of the emitting region, for a spherical blob or a wind-
type spherical shell geometries (Dermer & Menon 2009).

The above equations yield the photo-pion production
timescale

t0�1

p� '
h�p�p�iLb

4⇡R2�✏b

1

1� a

"
a� b

1� b
�

✓
✏th
✏b

◆1�a
#
. (17)

The term (a�b)/(1�b) being of order unity, one can readily
see that t0p� will simplify depending on whether the flare
photon spectrum before the break energy is soft (a > 1) or
hard (a < 1):

t0�1

p� '
h�p�p�i

4⇡R2�

1

|a� 1|
⇥

⇢
(Lth/✏th) a > 1 ,
(Lb/✏b) a < 1 ,

(18)
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hard (a < 1):
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The term (a� b)/(1� b) being of order unity, we can readily see that t0p� will simplify depending
on whether the flare photon spectrum before the break energy is soft (a > 1) or hard (a < 1):
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where we have defined the observed photon luminosity at threshold energy Lth ⌘ L�(✏th) =
Lb(✏th/✏b)2�a. The photon energy threshold for photo-pion production reads

✏th = ✏
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(1 + �)2�2
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2

(1 + z)2Ep

⇠ 7.5⇥ 103 eV�2
2E

�1
p,18(1 + z)�2

, (2.15)

hence t
0
p� depends on Ep through ✏th.

We note that Eq. (2.13) was obtained by assuming ✏th < ✏b. However, this is not always the
case as ✏th depends on the proton energy and the bulk Lorentz factor (Eq. 2.15). The condition
✏th < ✏b implies Ep > Ep,min with Ep,min = (1 + �)2�2

✏
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thmpc
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/(1 + z)2✏b ⇠ 1.8 ⇥ 109 eV (1 +

�)2�2(1 + z)2(✏b/100MeV)�1 . For ✏th > ✏b, t0�1
p� / (Lb/✏b)(✏th/✏b)1�b = Lth/✏th. As we have

assumed b > 1, we recover the soft spectrum case (a > 1) of Eq. (2.14) when ✏th > ✏b.

We assume that a fraction ⌘p of the bolometric source luminosity is channeled into a population
of accelerated protons, with a peak luminosity xp⌘pLbol, where xp  1 is a bolometric correction
prefactor that depends on the proton spectral index, peak, and maximum energies. The proton
spectrum is modeled as a simple power law with spectral index ↵, between Ep,min and Ep,max
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for a transient source located at luminosity distance DL (redshift z). A maximum achievable
time-integrated neutrino flux E

2
⌫F⌫

��
max

= 3
8 max(fp�E2

pFp) can then be derived from Eq. (2.10).
The energy Ep,high maximizing fp�E

2
pFp depends on the source characteristics.

If a > 1, the higher the proton energy Ep, the lower the corresponding ✏th, and the higher the
associated photon luminosity and the e�ciency fp� . If a < 1, t0p� does not depend on Ep. Hence
fp�(Ep,max) = fp� |max. As we maximize the neutrino flux, we also set xp = 1.

Expressing fp� ⌘ min(1, t0dyn/t
0
p�) using Eqs. (2.3) and (2.14) yields the maximum achievable

neutrino flux. If fp�(Ep,high) = 1, the neutrino flux is simply a fraction of the proton flux:
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If fp�(Ep,high) < 1,
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where we have defined �x
� ⌘ Lx/(4⇡D2

L✏x) with x=th or b, the observed photon flux of the
source at threshold energy ✏th and break energy ✏b, respectively. We note that the threshold
energy depends on Ep,high. The flux �x

� is a directly measurable quantity.

2.3.2 Minimum photon flux ��,min for neutrino detectability

We consider a neutrino detector of flux sensitivity sexp and corresponding sensitivity in terms
of fluence Sexp. We assume that the detector points toward the source during the entire flaring
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conclude. In the case of the Crab flares, as ✏b ⇠ 400MeV, inverse-compton losses can be easily
neglected. They may also be neglected for Tidal Disruption Events (TDE) as their emission
peaks in hard X-rays or soft gamma rays. Last, for novae and supernovae, inverse-compton
losses may not be negligible as the values of ✏b can be borderline, but refined case-by-case
studies are required to conclude. In order to keep this study as general as possible, we choose to
neglect inverse-compton losses in the following. We recall that in any case, neglecting inverse-
compton losses preserves the maximum achievable nature of Ep,max and thus the validity of the
necessary minimum flux ��,min.

Bethe-Heitler electron-positron pair production from interactions of protons on photon fields is
usually a subdominant cooling process compared to photopion production (e.g., Sikora et al.,
1987 for AGN), because of its low inelasticity (⇠BH ⇠ 10�3 at the threshold ✏

00
BH ⇠ 1MeV) and

mild cross-section (�BH ⇠ 1.2mb at threshold). It can become significant over some high-energy
range windows for very specific photon spectra (Murase et al., 2014; Petropoulou and Mas-
tichiadis, 2015), however – see also the detailed analytical discussion by (Rachen and Mészáros,
1998). We note that the cooling e↵ect itself is limited even in these situations, although the pro-
duction of secondary pairs can have an important influence on the resulting gamma-ray spectra.
For simplicity, we therefore neglect Bethe-Heitler losses in this study.

2.2.3 Decay of secondaries and neutrino maximum energy

Photohadronic interactions can generate neutrinos through the production of charged pions and
their subsequent decay: p + � ! n + ⇡

+ and ⇡
+

! µ
+ + ⌫µ followed by µ

+
! e

+ + ⌫e + ⌫̄µ.
The decay of secondary neutrons can also generate neutrinos, although their photodisintegration
has a higher occurrence rate. This description is simplified as other photohadronic interaction
channels contribute to the production of neutrinos, for instance, multi-pion productions (see,
e.g., the Sophia code, Mücke, 1999), but it su�ces in our framework. The resulting flavor
composition is ⌫e : ⌫µ : ⌫⌧ = 1 : 2 : 0, as we neglect the e↵ect of energy losses or acceleration of
pions and muons (e.g., Kashti and Waxman, 2005). The expected flavor composition at Earth
is 1 : 1 : 1 when long-baseline neutrino oscillations are accounted for. In the following the fluxes
account for all neutrino flavors.

As charged pions carry 20% of the proton energy and neutrinos carry 25% of the pion energy,
neutrinos produced by photohadronic interactions typically carry 5% of the initial energy of
hadrons: E⌫ = 0.05Ep. The maximum accessible energy of neutrinos therefore depends on
the maximally accessible energy of accelerated protons, which is determined by a competition
between acceleration and energy losses. Moreover, the charged pions and muons can experience
energy losses such as adiabatic or synchrotron cooling before decaying and producing neutrinos,
which influences the maximum accessible energy of neutrinos.

The pion and muon decay times depend on their energies E⇡ and Eµ. In the comoving frame,
their decay times read t
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2 , where the pion and muon lifetimes and masses

are ⌧⇡ = 2.6⇥10�8 s, ⌧µ = 2.2⇥10�6 s, m⇡ = 140MeV c�2 and mµ = 106MeV c�2, respectively.
As ⌧µ > ⌧⇡, the muon decay time is usually the main limiting factor for neutrino production.
Muons satisfying t

0
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0
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min(t0dyn, t
0
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flare by equating t
0
µ = min(t0dyn, t

0
syn). If tdyn < tsyn

E
decay
µ,max =

mµc
2

⌧µ
(1 + �)2�2

tvar (1 + z)�2 (2.7)

⇠ 1.9⇥ 1017 eV�2
2 tvar,�1 (1 + z)�2

,

pion decay time:

Neutrino spectrum Gamma-ray spectrum

E2
ν Fν

b − 1
a − 1

a − 3

Eb
ν Esyn

ν

Eν ∼
1
4

Eπ

E2
γ Fγ

b − 1
a − 1

Eb
γ Emax

γ = 0.1Emax
p

Eγ ∼
1
2

Eπ



The high-energy Universe and the advent of multimessenger astronomy

2

TXS056+56

AT2019dsg

fast radio bursts

blazar flares

tidal disruption events

GW170817

neutron star mergers

FRB121102

black-hole mergers

neutron star-black hole
mergers

super luminous supernova

magnetar flaresSGR1935+2154

GW170817

TXS0506+056
2017

2015
2013

1962

first 1020 eV  cosmic ray

first gravitational waves

first  1015 eV neutrino

AT2019dsg

2007
first  fast radio burst

2019

wind
acc

reti
on 

disk
jet

ejecta

23

mechanisms: 
shock acceleration 

magnetic reconnection… 

at various locations: 
inner/external/side jet 

wind 
accretion disk… 

—> max. acceleration energy 
spectrum

Cosmic-ray  
acceleration

Radiative + hadronic 
backgrounds

density, spectra, time evolution 
in acceleration region and beyond

Ex: red kilonova ejecta

Decoene et al. 2020

Computing secondary fluxes at the source: key points

Cosmic-ray interactions + cooling 
Secondary particle cooling



Integrating over source population

24

Erratum: Testing the Newborn Pulsar Origin of

Ultrahigh Energy Cosmic Rays with EeV Neutrinos

(Phys. Rev. D 90, 103005 (2014))

Ke Fang,1, 2 Kumiko Kotera,3 Kohta Murase,4 and Angela V. Olinto5

1JSI Fellow, Department of Astronomy, University of Maryland, College Park, MD, 20742, USA
2Astrophysics Science Division, NASA Goddard Space Flight Center, Greenbelt, MD 20771, USA

3Institut d’Astrophysique de Paris, UMR 7095 - CNRS,
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We noticed an error in the calculation of equation 1 in [1]. While the equation shown is correct, the redshift
dependence of source spectra was not properly taken into account. The all-flavor neutrino flux from the pulsar
population can be calculated as

�⌫ =
dN

dEdAdtd⌦
=

fs
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Z zmax
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Z t⌫

0

dN⌫

dt0 dE⌫ 4⇡D2
dt0 <(z) 4⇡D2 dD
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dz (1)

which can be further written like below to show the redshift dependence explicitly :
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0
<̇(z)dN [E(1 + z)]

dE0 (1 + z)
dt
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where dN/dE
0 = fs

R
dPidB dN/dE

0(Pi, B)f(Pi, B) is the expected spectrum from one pulsar at redshift z, which is
averaged over the pulsar distribution f(Pi, B) of initial spin periods Pi and surface magnetic fields B, and normalized
by a factor fs determined by ultrahigh energy cosmic ray observations; E0 = (1 + z)E is the redshifted energy at the

source, and dt/dz = 1/
⇣
H0(1 + z)

p
⌦M (1 + z)3 + ⌦⇤

⌘
. We take the Hubble constant h = 67.8, ⌦M = 0.308 [2] and

assume a flat Universe in this calculation. <̇(z) is the source emissivity in units of Mpc�3yr�1, and can be written as
<̇(z) = g(z)<̇(0), with g(z) denoting the source evolution rate over redshift. If the source emissivity follows a uniform
distribution, g(z) = 1. Alternatively, if the source evolution follows the start formation rate, g(z) can be written as
[3]:

g(z) =

8
><

>:

(1 + z)3.4, z < 1

N1(1 + z)�0.3
, 1 < z < 4

N1N4(1 + z)�3.5
, z > 4

(3)

with the normalization factors N1 = 23.7 and N2 = 53.2.
Figure 1 shows the corrected di↵usive neutrino flux from the fast-spinning newborn pulsars. The shapes of the

neutrino spectra are unchanged. The flux is slightly smaller than the Waxman-Bahcall landmark and the prediction
of the fast-spinning magnetar model. This is because e�cient neutrino production occurs only in a fraction of fast-
spinning pulsars and most pulsars can release cosmic-ray nuclei without depletion by meson production.

After the correction, the neutrino flux peak at around 1017.5 eV is found to be comparable to the IceCube 5-year
sensitivity [4] in the SFR case, and to the 3-year ARA sensitivity [5] in the uniform case. The conclusion that the
model is testable in future remains unchanged.

[1] K. Fang, K. Kotera, K. Murase, and A. V. Olinto, Phys. Rev. D90, 103005 (2014), 1311.2044.
[2] Planck Collaboration, P. A. R. Ade, N. Aghanim, M. Arnaud, M. Ashdown, J. Aumont, C. Baccigalupi, A. J. Banday,

R. B. Barreiro, J. G. Bartlett, et al., ArXiv e-prints (2015), 1502.01589.
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spinning pulsars and most pulsars can release cosmic-ray nuclei without depletion by meson production.

After the correction, the neutrino flux peak at around 1017.5 eV is found to be comparable to the IceCube 5-year
sensitivity [4] in the SFR case, and to the 3-year ARA sensitivity [5] in the uniform case. The conclusion that the
model is testable in future remains unchanged.
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of the extra-Galactic component is consistent with that expected for a cosmological dis-

tribution of sources of protons, with injection spectrum dNCR/dECR ∝ E−2
CR, as typically

expected for Fermi acceleration [7]. The energy production rate of protons in the energy

range 1019eV to 1021eV is ε̇[1019,1021]
CR ∼ 5 × 1044erg Mpc−3yr−1 [7], if the observed flux of

ultra-high-energy cosmic-rays is produced by sources that are cosmologically distributed.

The energy-dependent generation rate of cosmic-rays is therefore given by

E2
CR

dṄCR

dECR
=

ε̇[1019,1021]
CR

ln(1021/1019)
≈ 1044erg Mpc−3yr−1. (1)

If the high-energy protons produced by the extra-galactic sources lose a fraction ε < 1 of their

energy through photo-meson production of pions before escaping the source, the resulting

present-day energy density of muon neutrinos is E2
νdNν/dEν ≈ 0.25εtHE2

CRdṄCR/dECR,

where tH ≈ 1010yr is the Hubble time. For energy independent ε the neutrino spectrum

follows the proton generation spectrum, since the fraction of the proton energy carried by a

neutrino produced through a photo-meson interaction, Eν ≈ 0.05Ep, is independent of the

proton energy. The 0.25 factor arises because neutral pions, which do not produce neutrinos,

are produced with roughly equal probability with charged pions, and because in the decay

π+ → µ+ + νµ → e+ + νe + νµ + νµ muon neutrinos carry approximately half the charged

pion energy. Defining Imax as the muon neutrino intensity (νµ and ν̄µ combined) obtained

for ε = 1,

Imax ≈ 0.25ξZtH
c

4π
E2

CR

dṄCR

dECR
≈ 1.5 × 10−8ξZGeV cm−2s−1sr−1 , (2)

the expected neutrino intensities are

E2
νΦνµ

≡
c

4π
E2

ν

dNνµ

dEν
=

1

2
εImax, Φνe

≈ Φν̄µ
≈ Φνµ

. (3)

The quantity ξZ in Eq. (2) is of order unity and has been introduce here to describe the

possible contribution of so far unobserved high redshift sources of high-energy cosmic rays

and to include the effect of the redshift in neutrino energy. We estimate ξZ in section IIC.

B. Upper bound versus current models

Figure 1 compares the neutrino intensity predictions of GRB and AGN jet models with

the intensity given by Eq. (2). The AGN core model predictions are shown for completeness.

The intensities predicted by both AGN jet and core models exceed Imax by typically two

orders of magnitude.
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FIG. 1. Comparison of muon neutrino intensities (νµ and ν̄µ combined) predicted by different

models with the upper bound implied by cosmic ray observations. The dash-dot lines give the
upper bound Eq. (2) corrected for neutrino energy loss due to redshift and for possible redshift

evolution of the cosmic-ray generation rate. The lower line is obtained assuming no evolution, and
the upper line assuming rapid evolution similar to the evolution of the QSO luminosity density. The
AGN jet model predictions are taken from ref. [4] (labeled ’Jet1’ and ’Jet2’). The GRB intensity

is based on the estimate presented in this paper, following [3]. The AGN hidden-core conjecture,
which produces only neutrinos and to which the upper bound does not apply, is taken from [6].

The intensity Imax is an upper bound to the intensity of high-energy neutrinos produced

by photo-meson interaction in sources of size not much larger than the proton photo-meson

mean-free-path. Higher neutrino intensities from such sources would imply proton fluxes

higher than observed in cosmic-ray detectors. Clearly, higher neutrino intensities may be

produced by sources where the proton photo-meson “optical depth” is much higher than

unity, in which case only the neutrinos escape the source. However, the existence of such

sources cannot be motivated by the observed high-energy cosmic-ray flux or by any observed

electromagnetic radiation. We therefore refer in Fig. 1 to models with τγp ! 1 as “hidden

core” models.

C. Evolution and redshift losses

In the derivation of Eq. (2) we have neglected the redshift energy loss of neutrinos

produced at cosmic time t < tH , and implicitly assumed that the cosmic-ray generation rate

per unit (comoving) volume is independent of cosmic time. The generation rate may have

been higher at earlier times, i.e. at high redshift. Cosmic rays above 1018 eV must originate

from sources at z < 1. Energy loss due to redshift and pair production in interaction with

4

Waxman & Bahcall, 1997

redshift energy loss 
of neutrinos ~1

E2
ν Φν ∼ 1.5 × 10−8ξz fmes GeV cm−2 s−1 sr−1
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2.1. Cosmic background radiation fields 28

Figure 2.1. The spectrum of cosmic background radiations. The CMB is mod-
elled as a blackbody spectrum at 2.725 K. The IR and UV backgrounds are from
the work of Kneiske & Dole (2008). The extragalactic gamma-ray background
datapoints (EGB) are from EGRET measurements (Sreekumar et al. 1998) and
Fermi-LAT measurements (Abdo et al. 2010). For the X-ray and radio back-
grounds the models presented in the works of Fabian & Barcons (1992), Clark
et al. (1970) are shown respectively.

are presumably made up of the fluxes of all the discrete sources of radiation. Light from

the solar system and the Milky Way are strong foregrounds, nevertheless measurements

exist and robust bounds have been inferred. Below we will look at the background photon

fields that a↵ect the propagation of high energy protons, leptons and high energy photons

the most in some detail.

2.1.1 Cosmic microwave background

The CMB, which is the left over radiation from the Big Bang is energetically the dominant

extragalactic photon background (Penzias & Wilson 1965). It is remarkably uniform and

has an ideal black body spectrum given by the Planck function. The comoving CMB

photon number density per unit energy interval nCMB(") = dNCMB/d" is thus given by:

nCMB(") =
"2

⇡2~3c3
⇥
exp

�
"
kT

�
� 1

⇤ (2.1)

F. Oikonomou, PhD, 2014
KK, Allard, Olinto 2010

p + γtarget → n + π+
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Cosmogenic Neutrinos: parameter space and detectabilty from PeV to ZeV 14

Figure 7. Effects of various compositions on neutrino fluxes for all flavors. We present
the cases of (i) a pure proton injection assuming a dip transition model (black solid),
(ii) a proton dominated Galactic type mixed composition (pink dotted), (iii) pure iron
composition (blue dashed) and (iv) the iron rich low Ep,max model (red dash-dotted).

are divided into three possible regions: an optimistic scenario (pink dot-dashed line),

a plausible range of models in which we base many of our rate estimates (grey shaded

area), and a more pessimistic scenario (blue lines). The optimistic scenario corresponds
to the FRII strong source evolution case with a pure proton composition, dip transition

model and Ep,max = 1021.5 eV. The most pessimistic scenario is given by a pure iron

injection and the iron rich composition with low Ep,max, assuming in both cases a uniform

evolution of sources. The shaded area brackets a wide range of parameters: all discussed

transition models, all source evolutions except for uniform and FRII, and varying cosmic

ray injection composition from pure protons to a mixed Galactic type model, with
Ep,max ≥ 1020 eV. The black long-dashed line indicates the minimum neutrino flux one

could obtain in the case of a uniform source evolution, when the composition and the

maximum acceleration energy are chosen among reasonable values. Namely, this line

represents the case of a Galactic mixed composition with Ep,max = 1020 eV for a uniform

source evolution.

From the discussion elaborated at the beginning of section 2.1, it stands out that a
uniform UHECR source evolution should be deemed rather extreme. Indeed, under the

assumption that UHECRs are produced in astrophysical sources, the majority of their

plausible progenitors should follow – with a possible bias – the star formation history.

Though Beckmann et al. (2003) suggest that FRI-type galaxies might have experienced

a quasi-uniform emissivity evolution throughout time, one should be aware that these

Cosmogenic Neutrinos: parameter space and detectabilty from PeV to ZeV 6

Figure 2. Top: source emissivity evolution with redshift, normalized to unity at
z = 0, for our six models described in the text. Bottom: effects of source evolution on
neutrino fluxes for all flavors. We assume here a pure proton composition and a dip
transition model.

Riley type I (FRI) and II (FRII) galaxies are more specifically discussed, though FRI

galaxies are far from satisfying the energetic criteria to accelerate particles to the highest

energies (see Lemoine and Waxman, 2009). It might be worth mentioning as well that

no outstanding correlation has been observed between catalogues of FRII galaxies and

the most energetic events seen by Auger, which does not give strong credence to these

"not-so-free" parameters 
A flux normalisation 
ɣ injection spectral index
Rmax (max. rigidity ~ max. p energy)
composition 
source evolution history

R max 
below or above 

pion prod. 
threshold

composition
source 

evolution

 depend strongly on 
observations of UHECRs

 less dependent but affects injection spectrum

KK, Allard, Olinto 2010Cosmogenic neutrinos: principal ingredients
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p + γtarget → γ, e±, . . .

53

Figure 2.10 – Libres parcours moyens pour les interactions intervenant dans les cascades électromagnétiques.

À gauche : comparaison entre la production de paires et la di↵usion Compton inverse. À droite : en traits pleins,

la production de triplets et en tirets la di↵usion Compton inverse, pour le CMB (traits fins) et pour l’ensemble du

fond de rayonnement (trait épais). Attention, ce sont bien les libres parcours moyens qui sont représentés et non

les distances de perte d’énergie comme indiqué en ordonnées – pour retrouver celles-ci, il su�t de les translater

d’un ordre de grandeur vers le haut. Les lignes obliques représentent la distance de perte d’énergie pour l’émission

synchrotron, pour un champ magnétique B = 10�10 G en bas et B = 10�11 G en haut. (Sources : à gauche,

adapté de Armengaud 2006, à droite, Sigl 2001a.)

où l’on a défini " = ✏/(mec
2). Dans la limite ultra-relativiste, cette formule peut encore se sim-

plifier en �IC = (⇡r
2
e/") ln(2" + 1). La section e�cace diminue donc aux hautes énergies en ✏

�1,
ce qui a pour conséquence que les fonds de rayonnement dans le domaine de l’optique et de
l’X ne jouent pas de rôle dans la production des photons de très haute énergie (nous avons vu
d’autre part que ces fonds ont une densité très faible). Aux hautes énergies, il est intéressant de
remarquer que le libre parcours moyen est très proche de celui de la production de paires comme
le montre la figure 2.10. Encore une fois, l’énergie initiale de l’électron incident va être presque
totalement transférée au photon émis.

Ainsi, la cascade � ! e ! � ! e... est quasi-parfaite, et l’énergie initiale du photon ne sera
que lentement dégradée. À basse énergie (au voisinage du seuil d’interaction), la cascade s’accé-
lère car les distances d’interaction deviennent de plus en plus petites (voir figure 2.10), jusqu’à ce
que la majorité des photons créés tombent en dessous du seuil de production de paires. Ceux-ci
s’accumulent en un spectre caractéristique en E

�1.5 en dessous de ce seuil (voir par exemple
Wdowczyk & Wolfendale 1990).

Enfin le rayonnement synchrotron peut jouer un rôle en arrêtant les cascades si le champ
magnétique est assez intense. En e↵et, les électrons et positrons produits peuvent se refroidir en
émettant des photons dans le champ magnétique extra-galactique. Si le refroidissement est assez
important pour que les photons se retrouvent dans une gamme d’énergie inférieure au seuil de
production de paires, la cascade s’arrête. Dans un champ magnétique homogène d’intensité B,

2.3. Gamma-rays 44

Figure 2.7. Left: The interaction length for pair production and Inverse Comp-
ton scattering on the CMB. Image from Stanev (2005). Right: The interaction
length of photons on background radiation fields. The estimate of Lee (1998)
has been used for the EBL and of Clark et al. (1970) for the universal radio
background. The mean free path of protons of the same energy is also given for
comparison. Image adapted from Lee (1998).
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which make a contribution to the observed photon spectrum of the source down to the

MeV region.

As a result of the attenuation through the pair production/inverse Compton cascade

observed gamma-ray spectra are related to intrinsic spectra through:

dN

dE observed
=

dN

dE intrinsic
· e�⌧(E,z). (2.23)

The attenuation of gamma-rays on the EBL (i.e. the quantity e�⌧(E,z)) is plotted as a

function of the incoming gamma-ray energy in figure 2.8 for a range of redshifts, using the

EBL model of Kneiske & Dole (2008). In the absence of magnetic fields in the intergalactic

medium through which the cascade propagates all the energy of the cascade is deposited

at the . 100 GeV part of the spectrum (see detailed discussion on this in chapter 5).

γ + γtarget → e+ + e−

e + γtarget → e + γIC
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Figure 2.7. Left: The interaction length for pair production and Inverse Comp-
ton scattering on the CMB. Image from Stanev (2005). Right: The interaction
length of photons on background radiation fields. The estimate of Lee (1998)
has been used for the EBL and of Clark et al. (1970) for the universal radio
background. The mean free path of protons of the same energy is also given for
comparison. Image adapted from Lee (1998).

ducing photons of average energy

E� =
4

3

E2
e "

m2
e

(2.22)

which make a contribution to the observed photon spectrum of the source down to the

MeV region.

As a result of the attenuation through the pair production/inverse Compton cascade

observed gamma-ray spectra are related to intrinsic spectra through:

dN

dE observed
=

dN

dE intrinsic
· e�⌧(E,z). (2.23)

The attenuation of gamma-rays on the EBL (i.e. the quantity e�⌧(E,z)) is plotted as a

function of the incoming gamma-ray energy in figure 2.8 for a range of redshifts, using the

EBL model of Kneiske & Dole (2008). In the absence of magnetic fields in the intergalactic

medium through which the cascade propagates all the energy of the cascade is deposited

at the . 100 GeV part of the spectrum (see detailed discussion on this in chapter 5).

Stanev, 2005

1.2 Acceleration and interaction processes 17

Secondary gamma rays and neutrinos carry important information about the astrophys-
ical sources and their environments. In the following we describe in more detail the production
of secondaries in the case of photomeson production. We recall that purely hadronic interac-
tions can also produce similar secondary particles, involving for instance baryonic resonances;
we focus here on photomeson production for illustration purposes.

At the lowest energies, the dominant channels are the single-pion resonance channel p+� ! �+

and the direct single-pion production. The delta baryon decay gives �+
! p + ⇡

0 and �+
!

n + ⇡
+. The non-charge-changing reactions (producing p⇡

0) and charge-changing reactions
(producing n⇡

+) occur with the same probability. At the highest energies, the multipion channel
is the dominant channel.

Gamma rays. When a neutral pion is produced, it decays into two gamma rays, which carry
approximately 10% of the initial proton energy. They can also be produced by secondary elec-
trons and positrons generated by the decay of charged pions. Many processes can a↵ect gamma
rays, such as �� pair production, and can initiate a cascade of pairs. Gamma rays propagating in
the interstellar and intergalactic media interact with the Extragalactic Background Light (EBL)
in the infrared and optical wavelengths, and with the Cosmic Microwave Background (CMB).
In the sources, they can interact with the ambient photon field and can thus be completely
absorbed. As these interactions produce e+� e

� pairs, the subsequent synchrotron or Compton
emissions of the pairs can produce new gamma rays and the process starts over again. As one of
the produced leptons gets a large fraction of the gamma-ray energy, many generations of gamma
rays are formed in the electromagnetic cascade. The cross section of �� pair production (Jauch
and Rohrlich, 1976; Gould, 2005) reads
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where �cm =
p
1� s�1 and

p
s = �cm is the Lorentz factor of the produced pairs in the center-

of-momentum frame. For a collision between a gamma ray of energy ✏� and a photon of energy
✏ with an interaction angle ✓, s = [✏✏�(1� cos ✓)] /2. The approximation s = ✏✏�/2 gives good
estimates for isotropic target photons. In this case, the gamma-ray absorption probability per
unit pathlenght is
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This absorption probability can be used to infer the attenuation of the gamma ray flux for
specific cases. For a given path and without additional gamma ray sources, the source flux is
reduced by the factor exp(�⌧��).

High-energy neutrinos. When a charged pion is produced, it decays into three neutrinos
⇡
+

! µ
+ + ⌫µ ! e

+ + ⌫e + ⌫̄µ + ⌫µ. Additionally, the neutron decay produces one neutrino
n ! p + e

� + ⌫̄e. Without accounting for additional energy losses, the charged pion carries
⇡ 20% of the proton initial energy, the charged muon ⇡ 10% and the neutrinos ⇡ 5%. The
neutrino produced by neutron decay carries ⇡ 50 less energy than the others. Finally, the
produced ⌫µ and ⌫e spectrum of neutrinos is further mixed during propagation due to neutrino
oscillations yielding ⌫e:⌫µ:⌫⌧ flavor ratios of 1:1:1. Unlike gamma rays, neutrinos have a very
small interaction probability and therefore neutrino fluxes reflect directly the conditions of their
production.

A simple estimate of the all-flavor neutrino flux can be derived following Waxman and Bahcall
(1999),
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Figure 2.7. Left: The interaction length for pair production and Inverse Comp-
ton scattering on the CMB. Image from Stanev (2005). Right: The interaction
length of photons on background radiation fields. The estimate of Lee (1998)
has been used for the EBL and of Clark et al. (1970) for the universal radio
background. The mean free path of protons of the same energy is also given for
comparison. Image adapted from Lee (1998).
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which make a contribution to the observed photon spectrum of the source down to the

MeV region.

As a result of the attenuation through the pair production/inverse Compton cascade

observed gamma-ray spectra are related to intrinsic spectra through:

dN

dE observed
=

dN

dE intrinsic
· e�⌧(E,z). (2.23)

The attenuation of gamma-rays on the EBL (i.e. the quantity e�⌧(E,z)) is plotted as a

function of the incoming gamma-ray energy in figure 2.8 for a range of redshifts, using the

EBL model of Kneiske & Dole (2008). In the absence of magnetic fields in the intergalactic

medium through which the cascade propagates all the energy of the cascade is deposited

at the . 100 GeV part of the spectrum (see detailed discussion on this in chapter 5).

gamma-ray absorption probability per unit length

attenuation of intrinsic gamma-ray spectrum

these gamma rays cannot escape the source

Gamma-ray attenuation at the source

τγγ = 1b − 1

Eb
γ

Gamma-ray opacity  related to τγγ fmes

τγγ ≈
ηγγσγγ

ηpγσ̂pγ
fmes     

Murase et al., 2016

τγγ

σpγκpγ
ηfactor depending on  
photon spectral slope
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2.3. Gamma-rays 44

Figure 2.7. Left: The interaction length for pair production and Inverse Comp-
ton scattering on the CMB. Image from Stanev (2005). Right: The interaction
length of photons on background radiation fields. The estimate of Lee (1998)
has been used for the EBL and of Clark et al. (1970) for the universal radio
background. The mean free path of protons of the same energy is also given for
comparison. Image adapted from Lee (1998).
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which make a contribution to the observed photon spectrum of the source down to the

MeV region.

As a result of the attenuation through the pair production/inverse Compton cascade

observed gamma-ray spectra are related to intrinsic spectra through:

dN

dE observed
=

dN

dE intrinsic
· e�⌧(E,z). (2.23)

The attenuation of gamma-rays on the EBL (i.e. the quantity e�⌧(E,z)) is plotted as a

function of the incoming gamma-ray energy in figure 2.8 for a range of redshifts, using the

EBL model of Kneiske & Dole (2008). In the absence of magnetic fields in the intergalactic

medium through which the cascade propagates all the energy of the cascade is deposited

at the . 100 GeV part of the spectrum (see detailed discussion on this in chapter 5).
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Figure 5.11. The arriving energy flux expected from the UHE photon emis-
sion escaping from a magnetised region with average magnetic field strength
B̄ = 316 nG for 1ES 0229+200. The injected luminosity normalisation in ultra
high energy photons is L0 = 1045erg s�1 (see text for details). The dashed black
line gives the injected UHE photon spectrum, the grey dotted line shows the
spectrum that escapes from the magnetised region. The green solid line and blue
dot-dashed line show the expected attenuated spectra using the EBL model of
Kneiske & Dole (2008) and Franceschini et al. (2008) respectively.

to distinguish it from the halo expected from the leptonic channel (presented in e.g. Taylor

et al. 2011).

As the loss length for protons via Bethe-Heitler pair production is of order 1 Gpc and

through photo-meson production of order 100 Mpc in the absence of IGMFs one would

expect the UHECR cascade signal to dominate over the secondary electron synchrotron

signal. This is shown for example in figure 5.6 for a source at redshift z = 0.14 where we

see that the secondary emissions of protons within the magnetised region are 1-2 orders

of magnitude lower than the overall proton losses all the way to the observer. However

in the presence of non-negligible IGMFs during propagation the UHECR cascade signal

may drop to a lower level than the secondary synchrotron emission, due to the deflection

of the charged leptons in the cascade as already stated. The deflections of electrons are

most severe in the final stages of the cascade where Ee ⇠ 20 TeV. We see from equation

5.1 if IGMFs are stronger than 10�12 G at the final stages of the cascade they will be

isotropised.

Oikonomou, KK, Murase, 2014
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Figure 2.8. Top: The optical depth, ⌧ , of the EBL to gamma-rays for a range
of redshifts based on the model of Kneiske & Dole (2008). Bottom: The atten-
uation factor exp (�⌧) for gamma-ray photons on the EBL for the optical depth
shown on the top panel.
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2.3. Gamma-rays 44

Figure 2.7. Left: The interaction length for pair production and Inverse Comp-
ton scattering on the CMB. Image from Stanev (2005). Right: The interaction
length of photons on background radiation fields. The estimate of Lee (1998)
has been used for the EBL and of Clark et al. (1970) for the universal radio
background. The mean free path of protons of the same energy is also given for
comparison. Image adapted from Lee (1998).
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which make a contribution to the observed photon spectrum of the source down to the

MeV region.

As a result of the attenuation through the pair production/inverse Compton cascade

observed gamma-ray spectra are related to intrinsic spectra through:

dN

dE observed
=

dN

dE intrinsic
· e�⌧(E,z). (2.23)

The attenuation of gamma-rays on the EBL (i.e. the quantity e�⌧(E,z)) is plotted as a

function of the incoming gamma-ray energy in figure 2.8 for a range of redshifts, using the

EBL model of Kneiske & Dole (2008). In the absence of magnetic fields in the intergalactic

medium through which the cascade propagates all the energy of the cascade is deposited

at the . 100 GeV part of the spectrum (see detailed discussion on this in chapter 5).

2.1. Cosmic background radiation fields 28

Figure 2.1. The spectrum of cosmic background radiations. The CMB is mod-
elled as a blackbody spectrum at 2.725 K. The IR and UV backgrounds are from
the work of Kneiske & Dole (2008). The extragalactic gamma-ray background
datapoints (EGB) are from EGRET measurements (Sreekumar et al. 1998) and
Fermi-LAT measurements (Abdo et al. 2010). For the X-ray and radio back-
grounds the models presented in the works of Fabian & Barcons (1992), Clark
et al. (1970) are shown respectively.

are presumably made up of the fluxes of all the discrete sources of radiation. Light from

the solar system and the Milky Way are strong foregrounds, nevertheless measurements

exist and robust bounds have been inferred. Below we will look at the background photon

fields that a↵ect the propagation of high energy protons, leptons and high energy photons

the most in some detail.

2.1.1 Cosmic microwave background

The CMB, which is the left over radiation from the Big Bang is energetically the dominant

extragalactic photon background (Penzias & Wilson 1965). It is remarkably uniform and

has an ideal black body spectrum given by the Planck function. The comoving CMB

photon number density per unit energy interval nCMB(") = dNCMB/d" is thus given by:

nCMB(") =
"2

⇡2~3c3
⇥
exp

�
"
kT

�
� 1

⇤ (2.1)

Extragalactic Background Light (EBL)

F. Oikonomou, PhD, 2014
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e.g., Aharonian et al. 94,, 06,  
Coppi & Aharonian 97, Tavecchio et al. 11...

Gamma-ray propagation in the intergalactic medium

inhomogeneous B: flux dilution according to fraction of Universe  
where BIGM > 3x10-11G

K. Kotera et al.: Detectability of ultrahigh energy cosmic ray signatures in gamma rays 9

Fig. 8. Angular profiles of the images of the sources represented in
Fig. 7. We represent the gamma ray flux integrated over energies Eγ =
1 − 100 GeV averaged over angular bins, for a filament seen along its
axis, at 1 Gpc and LE,19 = 1046 erg s−1 (black solid line), and at 100 Mpc
and LE,19 = 1044 erg s−1 (green dashed line). The black stars and green
crosses present the corresponding integrated flux up to a given angular
extension in the sky θ.

3.3 . Inverse Compton cascades

Let us briefly discuss the gamma ray signal expected from
Compton cascades of ultra-high energy photons and pairs in-
jected in the intergalactic medium. The physics of these cas-
cades has been discussed in detail in Wdowczyk et al. (1972);
Protheroe (1986); Protheroe & Stanev (1993); Aharonian et al.
(1994); Ferrigno et al. (2004). These cascades have been con-
sidered in the study of Armengaud et al. (2006) (for a source
located in a cluster of galaxies) but dismissed in the study of
Gabici & Aharonian (2005) because of the dilution of the emit-
ted flux through the large deflection of the pairs in the low energy
range of the cascade. Indeed, the effective inverse Compton cool-
ing length of electrons of energy Ee ! 100 TeV can be written as
xeγ " 3.5 kpc (Ee/100 TeV)−1 and on this distance scale, the de-
flection imparted by a magnetic field of coherence length λB #
xeγ reads θe ∼ xeγ/rL,e ∼ 3 × 10−2(Ee/100 TeV)−2(B/10−12 G).
Then, assuming that the last pair of the cascade carries an en-
ergy Efin ∼ 20 TeV (so that the photon produced through the
interaction with the CMB carries a typical energy ! 1 TeV), one
finds that a magnetic field larger than ∼ 10−12 G isotropizes the
low energy cascade, in agreement with the estimates of Gabici
& Aharonian (2005).

This situation is modified when one takes into account the
inhomogeneous distribution of extra-galactic magnetic fields, as
we now discuss. Primary cosmic rays, upon traveling through
the voids of large scale structure may inject secondary pairs
which undergo inverse Compton cascades in these unmagnetized
regions. If the field in such regions is smaller than the above
10−12 G, then the cascade will transmit its energy in forward
!TeV photons. Of course, depending on the exact value of B
where the cascade ends, the resulting image will be spread by
some finite angle. Since we are interested in sharply peaked im-
ages, let us consider a typical angular size θ and ignore those
regions in which the magnetic field is large enough to give a
contribution to the image on a size larger than θ. For θ & 1,

the problem remains one-dimensional as before, and one can
compute the total energy injected in inverse Compton cascades
within θ, as follows.

The luminosity injected in secondary pairs and photons up
to distance d is written χeLcr(> E). Since we are interested in
the signatures of ultrahigh cosmic ray sources, we require that
E ≥ 1019 eV; for protons, the energy loss length due pair produc-
tion moreover increases dramatically as E becomes smaller than
1019 eV, so that the contribution of lower energy particles can be
neglected in a first approximation. For photo-pair production, the
fraction transfered is χe,ee " d/1 Gpc of LE,19 = Lcr(> 1019 eV)
up to d ∼ 1 Gpc. For pion production, the fraction of energy
transfered is roughlyχe,π " d/100 Mpc of Lcr(> 6 1019 eV) in the
continuous energy loss approximation. At distances 100 Mpc ≤
d ≤ 1 Gpc, the fraction χe of LE,19 injected into secondary pairs
and photons thus ranges from ∼ 0.5 for d = 100 Mpc to ∼ 1
at d = 1 Gpc; in short, it is expected to be of order unity or
slightly less. All the energy injected in this way in sufficiently
unmagnetized regions (see below) will be deposited through the
inverse Compton cascade in the sub-TeV range, with a typi-

cal energy flux dependence ∝ E
1/2
γ up to some maximal en-

ergy Eγ,max ∼ 1 − 10 TeV beyond which the Universe is opaque
to gamma rays on the distance scale d (Ferrigno et al. 2004).
Neglecting any redshift dependence for simplicity, the gamma-
ray energy flux per unit energy interval may then be approxi-
mated as:

E2
γ

dNγ

dEγ
≈ f1d(< Bθ) χe

Lcr

8πd2

(

Eγ

Eγ,max

)1/2

" 2.5 × 10−10 GeV cm−2 s−1 f1d(< Bθ)χe

×
LE,19

1042 erg/s

(

d

100 Mpc

)−2 (
Eγ

Eγ,max

)1/2

. (6)

where f1d(< Bθ) denotes the one-dimensional filling factor, i.e.
the fraction of the line of sight in which the magnetic field is
smaller than the value Bθ such that the deflection of the low en-
ergy cascade is θ. For reference, Bθ " 2 × 10−14 G for θ = 1◦.
In general, one finds in the literature the three-dimensional fill-
ing factor f3d, but f1d(< Bθ) ∼ f3d(< Bθ) up to a numerical
prefactor of order unity that depends on the geometry of the
structures. Interestingly enough, the amount of magnetization of
the voids of large scale structure is directly related to the origin
of large scale magnetic fields. Obviously, if galactic and clus-
ter magnetic fields originate from a seed field produced in a
homogeneous way with a present day strength B # 10−14 G,
then the above gamma ray flux will be diluted to large angular
scales, hence below detection threshold. However, if the seed
field, extrapolated to present day values is much lower than
this value, or if most of the magnetic enrichment of the in-
tergalactic medium results from the pollution by star forming
galaxies and radio-galaxies, then one should expect f1d(< Bθ)
to be non negligible. For instance, Donnert et al. (2009) obtain
f3d(< 10−14 G) ∼ 0.03 in such models. Given the sensitivity of
current and future gamma ray experiments, the inverse Compton
cascades might then produce degree-size detectable halos for
source luminosities " 2×1043(d/100 Mpc)−2 erg/s. We note that
intergalactic magnetic fields of strength B < 10−15 G might be
probed through the delay time of the high energy afterglow of
gamma-ray bursts (Plaga 1995; Ichiki et al. 2008) or the GeV
emission around blazars (Neronov & Semikoz 2006).

K.K., Allard & Lemoine 2010

Protheroe 86, Protheroe & Stanev 93, Aharonian et al. 94
homogeneous B: flux completely diluted if BIGM > 3x10-11G
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1ES 0229+200 (HESS Coll. 2007, VERITAS Coll. 2010, 2013)

Proton UHECRs
B3 Mpc = 316 nG
Injection spectral index = 2 EMAX = 1021 eV
LCR,j = 1044.5 erg s -1

lepton seeded 
cascade in IGM

UHECR seeded 
cascade in IGM

UHECR seeded 
synchrotron 

Oikonomou, Murase & KK, 2014

spectra observation with CTA: 
disantangle UHECR cascade/leptonic 
but not UHECR synchrotron/leptonic

Learning from gamma rays: UHECR pair echoes/haloes

Lcr,19 = 1046 erg s-1 

d = 1 Gpc

K.K., Allard & Lemoine 2010

Fermi/CTA at 10 GeV: 
~ 10-10 GeV cm-2 s-1  (θsource /1°)

disentangling gamma-rays from leptons and cosmic rays

also Takami et al. 2013

Synchrotron haloes around sources 
with strongly magnetized environ. 
for cosmic-ray scenarios
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None

~ year? Aliu et al 2014
If confirmed:  
- disfavours UHECR synchrotron cascade  
- rules out UHECR IC cascade

~ day   Acciari et al 2010

UHE neutrals could account for ~ day 
variability if emission region < pc size  
detailed modeling needed

UHE photons  
Injection spectral index = 1.5 

B3 Mpc = 316 nG
Eγ,MAX = 1019.5 eV 
Lγ = 1045 erg s -1
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Fig. 8. Top panel: Same as Fig. 7 but zooming in at the arriving pho-
ton energy flux. The volume averaged magnetic field strength inside the
magnetised region is assumed to be B̄ = 316 nG. Bottom panel: Same
as on the top panel but for 1ES 1218+304. The injected luminosity nor-
malisation is L0 = 8 ⇥ 1045erg s�1 and the volume averaged magnetic
field strength inside the magnetised region is assumed to be B̄ = 100 nG.
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Fig. 9. Comparison of the expected energy flux of secondary leptons
from UHECR primaries (purple lines) and UHE photons (light blue
lines) for a magnetised region with B̄ = 100, 316 nG for 1ES 0229+200.
In the UHECR channel the injected luminosity is Lcr,iso = 1046.5erg s�1.
In the UHE photon channel the injected luminosity normalisation is
L0 = 8 ⇥ 1045erg s�1.

respectively, a UHECR origin would need higher maximum en-
ergies. Weaker magnetic fields may also be consistent with a
UHE photon origin of the spectrum depending on the details of
the injection spectrum.

To summarise, we observe that both channels are a very
good fit to the observed gamma-ray spectra although discrimi-
nation between the UHE photon and UHECR channels is chal-
lenging on the basis of the spectral fit alone for steady gamma-
ray sources. The timing properties and the angular extension of
the signal contribute towards such a discrimination, for example
the observed variability of 1ES 0229+200 and 1ES 1218+304

favour neutral beams as the population responsible for this emis-
sion, as discussed in the next section.

3.4. Time variability

The main observable di↵erences between UHECR or UHE pho-
ton seeding in the magnetised region should be related to the
di↵erent deflection properties and as a result time delays experi-
enced by the UHE photons and their products in the magnetised
region. In the UHE photon channel any deflections will come
from the secondary electrons and should be approximately:

✓e ⇠ Dsyn/rLar ⇠ 3 ⇥ 10�4(Ee/1019 eV)�2(B/10 nG)�1. (3)

Typically this is a very small angle, smaller than typical values
of ✓jet hence the emission from this channel is expected to be
beamed. If UHE photons can escape into intergalactic space, the
mean free path to �� pair production is ⇠ 2 Mpc, i.e., smaller
than the p� energy loss length of UHECRs, so the pair halo/echo
signal from UHE neutrals is dominant when the photopion pro-
duction in the source is e�cient (Murase 2012). As a result of
the small deflections, the time spread of the signal should also
be small. Noting d ⇠ ��� ⇠ 2 Mpc, Murase (2012) obtained
�t ⇠ 2✓2

e
d/2c ⇠ 0.3 yr (Esyn/102.5 GeV)(min[d, ���]/Mpc),

where d is the characteristic scale of the magnetised region. In
comparison the deflections su↵ered by UHECR protons in the
magnetised region are larger, of order ✓p ⇠

p
d �coh/rLar ⇠

0.044 (d/Mpc)(E/1020 eV)(�coh/d)1/2(B/10 nG). The result-
ing time spread is also expected to be considerably larger
for the UHECR proton channel �t ⇠ 2✓2

p
d/2c ⇠ 1.6 ⇥

103 yr (B/10 nG)(�coh/d)(d/Mpc)3(E/1020 eV)�2. In the case
of UHE neutral beams the recent hints of variability of the TeV
spectrum of 1ES 0229+200 in ⇠ 1 year timescales can be ac-
commodated.

For 1ES 1218+304 the model prediction is consistent with
the combined GeV-TeV observations of this source. The ob-
served ⇠day scale variability of this source cannot be explained
by our current setup where the UHE photons cascade over an
⇠Mpc scale structured IGMF region. However, UHE neutral
beams could possibly explain the variability of 1ES 1218+304
if the size of the region over which ��/n� interactions occur is
significantly smaller (of order kpc) as in the model of Dermer
et al. (2012) for FSRQs. Detailed work on the variability of these
sources will be presented elsewhere.

In the case of blazars a characteristic signature of this chan-
nel could be a transient event such as a flare with a duration
⇠ 0.1�1 year, whereas the small time spread in the UHE neutral
channel implies that we may observe the echo of flaring activi-
ties. The two channels may be hard to distinguish between for a
given steady gamma ray source, but if the UHE neutral channel
is dominant the resulting emission will almost certainly be more
variable.

4. Discussion, conclusion

In 50 years of direct searches for the sources of UHECRs we
have not made conclusive progress on the subject. The proposed
CTA is envisaged to bring about an order of magnitude increase
in VHE AGN detections and may thus allow us to make great
progress in searches for the secondary emission of UHECRs. Its
increased sensitivity by as much as a factor of ten compared to
the current generation of IACTs may make it possible to rule out
or confirm the existence of the tail expected if the observed VHE
emission is due to a UHECR-induced inverse Compton cascade.
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Fig. 8. Top panel: Same as Fig. 7 but zooming in at the arriving pho-
ton energy flux. The volume averaged magnetic field strength inside the
magnetised region is assumed to be B̄ = 316 nG. Bottom panel: Same
as on the top panel but for 1ES 1218+304. The injected luminosity nor-
malisation is L0 = 8 ⇥ 1045erg s�1 and the volume averaged magnetic
field strength inside the magnetised region is assumed to be B̄ = 100 nG.
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Fig. 9. Comparison of the expected energy flux of secondary leptons
from UHECR primaries (purple lines) and UHE photons (light blue
lines) for a magnetised region with B̄ = 100, 316 nG for 1ES 0229+200.
In the UHECR channel the injected luminosity is Lcr,iso = 1046.5erg s�1.
In the UHE photon channel the injected luminosity normalisation is
L0 = 8 ⇥ 1045erg s�1.

respectively, a UHECR origin would need higher maximum en-
ergies. Weaker magnetic fields may also be consistent with a
UHE photon origin of the spectrum depending on the details of
the injection spectrum.

To summarise, we observe that both channels are a very
good fit to the observed gamma-ray spectra although discrimi-
nation between the UHE photon and UHECR channels is chal-
lenging on the basis of the spectral fit alone for steady gamma-
ray sources. The timing properties and the angular extension of
the signal contribute towards such a discrimination, for example
the observed variability of 1ES 0229+200 and 1ES 1218+304

favour neutral beams as the population responsible for this emis-
sion, as discussed in the next section.

3.4. Time variability

The main observable di↵erences between UHECR or UHE pho-
ton seeding in the magnetised region should be related to the
di↵erent deflection properties and as a result time delays experi-
enced by the UHE photons and their products in the magnetised
region. In the UHE photon channel any deflections will come
from the secondary electrons and should be approximately:

✓e ⇠ Dsyn/rLar ⇠ 3 ⇥ 10�4(Ee/1019 eV)�2(B/10 nG)�1. (3)

Typically this is a very small angle, smaller than typical values
of ✓jet hence the emission from this channel is expected to be
beamed. If UHE photons can escape into intergalactic space, the
mean free path to �� pair production is ⇠ 2 Mpc, i.e., smaller
than the p� energy loss length of UHECRs, so the pair halo/echo
signal from UHE neutrals is dominant when the photopion pro-
duction in the source is e�cient (Murase 2012). As a result of
the small deflections, the time spread of the signal should also
be small. Noting d ⇠ ��� ⇠ 2 Mpc, Murase (2012) obtained
�t ⇠ 2✓2

e
d/2c ⇠ 0.3 yr (Esyn/102.5 GeV)(min[d, ���]/Mpc),

where d is the characteristic scale of the magnetised region. In
comparison the deflections su↵ered by UHECR protons in the
magnetised region are larger, of order ✓p ⇠

p
d �coh/rLar ⇠

0.044 (d/Mpc)(E/1020 eV)(�coh/d)1/2(B/10 nG). The result-
ing time spread is also expected to be considerably larger
for the UHECR proton channel �t ⇠ 2✓2

p
d/2c ⇠ 1.6 ⇥

103 yr (B/10 nG)(�coh/d)(d/Mpc)3(E/1020 eV)�2. In the case
of UHE neutral beams the recent hints of variability of the TeV
spectrum of 1ES 0229+200 in ⇠ 1 year timescales can be ac-
commodated.

For 1ES 1218+304 the model prediction is consistent with
the combined GeV-TeV observations of this source. The ob-
served ⇠day scale variability of this source cannot be explained
by our current setup where the UHE photons cascade over an
⇠Mpc scale structured IGMF region. However, UHE neutral
beams could possibly explain the variability of 1ES 1218+304
if the size of the region over which ��/n� interactions occur is
significantly smaller (of order kpc) as in the model of Dermer
et al. (2012) for FSRQs. Detailed work on the variability of these
sources will be presented elsewhere.

In the case of blazars a characteristic signature of this chan-
nel could be a transient event such as a flare with a duration
⇠ 0.1�1 year, whereas the small time spread in the UHE neutral
channel implies that we may observe the echo of flaring activi-
ties. The two channels may be hard to distinguish between for a
given steady gamma ray source, but if the UHE neutral channel
is dominant the resulting emission will almost certainly be more
variable.

4. Discussion, conclusion

In 50 years of direct searches for the sources of UHECRs we
have not made conclusive progress on the subject. The proposed
CTA is envisaged to bring about an order of magnitude increase
in VHE AGN detections and may thus allow us to make great
progress in searches for the secondary emission of UHECRs. Its
increased sensitivity by as much as a factor of ten compared to
the current generation of IACTs may make it possible to rule out
or confirm the existence of the tail expected if the observed VHE
emission is due to a UHECR-induced inverse Compton cascade.
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Fig. 6. The expected photon energy flux, resulting from the UHECR secondary electron synchrotron model a magnetised region with average
magnetic field strength B̄ = 100 nG for RGB J0710+591 (left) and 1ES 1218+304 (right). Long-dashed lines show the spectrum that escapes
from the magnetised region. Blue solid lines show the spectra with account of the attenuation by the EBL, for which the model of Kneiske & Dole
(2008) has been considered.

timing properties of the signal should be di↵erent between the
two channels. We explore this further in the following section.

In figures 7 and 8 we show the expected gamma ray spec-
tra from the UHE photon channel for 1ES 0229+200 and 1ES
1218+304 motivated by their observed variability (or hints of
such a variability in the case of 1ES 0229+200). Following
Murase (2012) we have considered an injection spectrum of the
form L� = L0 ⇥ (E/Emax

� )0.5
e
�E

min
� /Ee

E/Emax
� . Here the generation

spectrum of UHE photons depends on the slope of the primary
proton spectrum ↵, as well as the slope of the target photon spec-
trum ⇣ as E

2
�d�/dE� / E

1+⇣�↵
p . We have taken ⇣ ⇠ 1.5 which is

typically expected for a photon field generated via synchrotron
emission in AGN and ↵ ' 2.0 as throughout most of this work.
The values of E

min
� = 1018.5 eV and E

max
� = 1019.5 eV are chosen

to capture the typical energies of the UHE photons that are cre-
ated through the p� interaction, corresponding to maximum pro-
ton energy E

max
p
= 1020.5 eV. The normalisation L0 ⇠ fp�Lcr,iso,

where fp� is the e�ciency with which UHE photons are pro-
duced in p� interactions. For the setup considered here we take
fp� ⇠ 1/200 at E

max
p

. For the UHE photon generation spectrum,
see Murase (2012) and references therein. Here we show some
examples of this channel for demonstration purposes.

The model prediction is consistent with the GeV-TEV data
of 1ES 0229+200. As discussed above, a slightly higher value
of the magnetic field strength at the source would shift the peak
of the synchrotron emission further into the TeV providing con-
sistency with the TeV observations for this source. The required
luminosity is L0 = 1045erg s

�1 i.e. Lcr,iso = 2 ⇥ 1047erg s
�1, sim-

ilar to the required UHECR luminosity in the UHECR-induced
synchrotron cascade.

Comparison of figures 5, 6 and 8 illustrates the di↵erences
between the two channels we have studied. A harder spectrum
is observed in the UHECR channel for a given magnetic field
strength. The injection of a spectrum with an exponential cut-
o↵ in the UHE photon channel partly explains why the result-
ing synchrotron spectrum in this model has a sharper cut-o↵
than the synchrotron spectrum in the UHECR channel. A fur-
ther di↵erence comes from the contribution of the Bethe-Heitler
process in the UHECR channel. The secondary pairs that are
created via Bethe-Heitler pair production contribute to the spec-
trum that escapes the magnetised region through the addition of
photons with energy beyond ⇠ 1014 eV via inverse Compton
scattering. This is because the Bethe-Heitler component, which
peaks at ⇠ 1015 eV is below the critical energy for cooling via
synchrotron emission which is otherwise the dominant cooling
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Fig. 7. The arriving energy flux expected from the UHE photon emis-
sion escaping from a magnetised region with average magnetic field
strength B̄ = 316 nG for 1ES 0229+200. The injected luminosity nor-
malisation in UHE photons is L0 = 1045erg s�1 (see text for details).
The dashed black line gives the injected UHE photon spectrum, the
grey dotted line shows the spectrum that escapes from the magnetised
region. The green solid line and blue dot-dashed line show the expected
attenuated spectra using the EBL model of Kneiske & Dole (2008) and
Franceschini et al. (2008) respectively.

mechanism in the magnetised regions we have been consider-
ing. This contribution from Bethe-Heitler pairs results in a harder
spectrum escaping the magnetised region in the UHECR chan-
nel. In this sense the observation of the UHE photon case result-
ing in a softer TeV spectrum should not be considered a general
result, the di↵erence comes from the di↵erent initial conditions.

Fig. 9 compares the signatures of runaway UHECRs and
UHE photons at 100 nG and 316 nG for 1ES 0229+200 as-
suming the same injection spectra as in figures 3 and 7 for the
UHECR and neutral channels respectively. It is di�cult to dis-
criminate the UHECR-induced and UHE-photon-induced cas-
cades only based on their spectra. As demonstrated in fig. 3
lower values of the volume averaged magnetic field strength than
⇠ 100nG in the magnetised region are inconsistent with the spec-
trum of 1ES 0229+200 if a UHECR origin of the secondary syn-
chrotron emission is assumed. In the UHE photon channel the in-
jection spectrum has been assumed as a representative case of the
typical injection expected. For harder injected UHE photon spec-
tra than considered here, a lower magnetic field in the structured
region may provide an acceptable fit to the spectrum of 1ES
0229+200. Similarly for RGB J0710+591 and 1ES 1218+304
for average magnetic fields below ⇠ 100 nG and ⇠few ⇥ 10 nG
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Fig. 6. The expected photon energy flux, resulting from the UHECR secondary electron synchrotron model a magnetised region with average
magnetic field strength B̄ = 100 nG for RGB J0710+591 (left) and 1ES 1218+304 (right). Long-dashed lines show the spectrum that escapes
from the magnetised region. Blue solid lines show the spectra with account of the attenuation by the EBL, for which the model of Kneiske & Dole
(2008) has been considered.

timing properties of the signal should be di↵erent between the
two channels. We explore this further in the following section.

In figures 7 and 8 we show the expected gamma ray spec-
tra from the UHE photon channel for 1ES 0229+200 and 1ES
1218+304 motivated by their observed variability (or hints of
such a variability in the case of 1ES 0229+200). Following
Murase (2012) we have considered an injection spectrum of the
form L� = L0 ⇥ (E/Emax

� )0.5
e
�E

min
� /Ee

E/Emax
� . Here the generation

spectrum of UHE photons depends on the slope of the primary
proton spectrum ↵, as well as the slope of the target photon spec-
trum ⇣ as E

2
�d�/dE� / E

1+⇣�↵
p . We have taken ⇣ ⇠ 1.5 which is

typically expected for a photon field generated via synchrotron
emission in AGN and ↵ ' 2.0 as throughout most of this work.
The values of E

min
� = 1018.5 eV and E

max
� = 1019.5 eV are chosen

to capture the typical energies of the UHE photons that are cre-
ated through the p� interaction, corresponding to maximum pro-
ton energy E

max
p
= 1020.5 eV. The normalisation L0 ⇠ fp�Lcr,iso,

where fp� is the e�ciency with which UHE photons are pro-
duced in p� interactions. For the setup considered here we take
fp� ⇠ 1/200 at E

max
p

. For the UHE photon generation spectrum,
see Murase (2012) and references therein. Here we show some
examples of this channel for demonstration purposes.

The model prediction is consistent with the GeV-TEV data
of 1ES 0229+200. As discussed above, a slightly higher value
of the magnetic field strength at the source would shift the peak
of the synchrotron emission further into the TeV providing con-
sistency with the TeV observations for this source. The required
luminosity is L0 = 1045erg s

�1 i.e. Lcr,iso = 2 ⇥ 1047erg s
�1, sim-

ilar to the required UHECR luminosity in the UHECR-induced
synchrotron cascade.

Comparison of figures 5, 6 and 8 illustrates the di↵erences
between the two channels we have studied. A harder spectrum
is observed in the UHECR channel for a given magnetic field
strength. The injection of a spectrum with an exponential cut-
o↵ in the UHE photon channel partly explains why the result-
ing synchrotron spectrum in this model has a sharper cut-o↵
than the synchrotron spectrum in the UHECR channel. A fur-
ther di↵erence comes from the contribution of the Bethe-Heitler
process in the UHECR channel. The secondary pairs that are
created via Bethe-Heitler pair production contribute to the spec-
trum that escapes the magnetised region through the addition of
photons with energy beyond ⇠ 1014 eV via inverse Compton
scattering. This is because the Bethe-Heitler component, which
peaks at ⇠ 1015 eV is below the critical energy for cooling via
synchrotron emission which is otherwise the dominant cooling
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Fig. 7. The arriving energy flux expected from the UHE photon emis-
sion escaping from a magnetised region with average magnetic field
strength B̄ = 316 nG for 1ES 0229+200. The injected luminosity nor-
malisation in UHE photons is L0 = 1045erg s�1 (see text for details).
The dashed black line gives the injected UHE photon spectrum, the
grey dotted line shows the spectrum that escapes from the magnetised
region. The green solid line and blue dot-dashed line show the expected
attenuated spectra using the EBL model of Kneiske & Dole (2008) and
Franceschini et al. (2008) respectively.

mechanism in the magnetised regions we have been consider-
ing. This contribution from Bethe-Heitler pairs results in a harder
spectrum escaping the magnetised region in the UHECR chan-
nel. In this sense the observation of the UHE photon case result-
ing in a softer TeV spectrum should not be considered a general
result, the di↵erence comes from the di↵erent initial conditions.

Fig. 9 compares the signatures of runaway UHECRs and
UHE photons at 100 nG and 316 nG for 1ES 0229+200 as-
suming the same injection spectra as in figures 3 and 7 for the
UHECR and neutral channels respectively. It is di�cult to dis-
criminate the UHECR-induced and UHE-photon-induced cas-
cades only based on their spectra. As demonstrated in fig. 3
lower values of the volume averaged magnetic field strength than
⇠ 100nG in the magnetised region are inconsistent with the spec-
trum of 1ES 0229+200 if a UHECR origin of the secondary syn-
chrotron emission is assumed. In the UHE photon channel the in-
jection spectrum has been assumed as a representative case of the
typical injection expected. For harder injected UHE photon spec-
tra than considered here, a lower magnetic field in the structured
region may provide an acceptable fit to the spectrum of 1ES
0229+200. Similarly for RGB J0710+591 and 1ES 1218+304
for average magnetic fields below ⇠ 100 nG and ⇠few ⇥ 10 nG
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Fig. 8. Top panel: Same as Fig. 7 but zooming in at the arriving pho-
ton energy flux. The volume averaged magnetic field strength inside the
magnetised region is assumed to be B̄ = 316 nG. Bottom panel: Same
as on the top panel but for 1ES 1218+304. The injected luminosity nor-
malisation is L0 = 8 ⇥ 1045erg s�1 and the volume averaged magnetic
field strength inside the magnetised region is assumed to be B̄ = 100 nG.
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Fig. 9. Comparison of the expected energy flux of secondary leptons
from UHECR primaries (purple lines) and UHE photons (light blue
lines) for a magnetised region with B̄ = 100, 316 nG for 1ES 0229+200.
In the UHECR channel the injected luminosity is Lcr,iso = 1046.5erg s�1.
In the UHE photon channel the injected luminosity normalisation is
L0 = 8 ⇥ 1045erg s�1.

respectively, a UHECR origin would need higher maximum en-
ergies. Weaker magnetic fields may also be consistent with a
UHE photon origin of the spectrum depending on the details of
the injection spectrum.

To summarise, we observe that both channels are a very
good fit to the observed gamma-ray spectra although discrimi-
nation between the UHE photon and UHECR channels is chal-
lenging on the basis of the spectral fit alone for steady gamma-
ray sources. The timing properties and the angular extension of
the signal contribute towards such a discrimination, for example
the observed variability of 1ES 0229+200 and 1ES 1218+304

favour neutral beams as the population responsible for this emis-
sion, as discussed in the next section.

3.4. Time variability

The main observable di↵erences between UHECR or UHE pho-
ton seeding in the magnetised region should be related to the
di↵erent deflection properties and as a result time delays experi-
enced by the UHE photons and their products in the magnetised
region. In the UHE photon channel any deflections will come
from the secondary electrons and should be approximately:

✓e ⇠ Dsyn/rLar ⇠ 3 ⇥ 10�4(Ee/1019 eV)�2(B/10 nG)�1. (3)

Typically this is a very small angle, smaller than typical values
of ✓jet hence the emission from this channel is expected to be
beamed. If UHE photons can escape into intergalactic space, the
mean free path to �� pair production is ⇠ 2 Mpc, i.e., smaller
than the p� energy loss length of UHECRs, so the pair halo/echo
signal from UHE neutrals is dominant when the photopion pro-
duction in the source is e�cient (Murase 2012). As a result of
the small deflections, the time spread of the signal should also
be small. Noting d ⇠ ��� ⇠ 2 Mpc, Murase (2012) obtained
�t ⇠ 2✓2

e
d/2c ⇠ 0.3 yr (Esyn/102.5 GeV)(min[d, ���]/Mpc),

where d is the characteristic scale of the magnetised region. In
comparison the deflections su↵ered by UHECR protons in the
magnetised region are larger, of order ✓p ⇠

p
d �coh/rLar ⇠

0.044 (d/Mpc)(E/1020 eV)(�coh/d)1/2(B/10 nG). The result-
ing time spread is also expected to be considerably larger
for the UHECR proton channel �t ⇠ 2✓2

p
d/2c ⇠ 1.6 ⇥

103 yr (B/10 nG)(�coh/d)(d/Mpc)3(E/1020 eV)�2. In the case
of UHE neutral beams the recent hints of variability of the TeV
spectrum of 1ES 0229+200 in ⇠ 1 year timescales can be ac-
commodated.

For 1ES 1218+304 the model prediction is consistent with
the combined GeV-TeV observations of this source. The ob-
served ⇠day scale variability of this source cannot be explained
by our current setup where the UHE photons cascade over an
⇠Mpc scale structured IGMF region. However, UHE neutral
beams could possibly explain the variability of 1ES 1218+304
if the size of the region over which ��/n� interactions occur is
significantly smaller (of order kpc) as in the model of Dermer
et al. (2012) for FSRQs. Detailed work on the variability of these
sources will be presented elsewhere.

In the case of blazars a characteristic signature of this chan-
nel could be a transient event such as a flare with a duration
⇠ 0.1�1 year, whereas the small time spread in the UHE neutral
channel implies that we may observe the echo of flaring activi-
ties. The two channels may be hard to distinguish between for a
given steady gamma ray source, but if the UHE neutral channel
is dominant the resulting emission will almost certainly be more
variable.

4. Discussion, conclusion

In 50 years of direct searches for the sources of UHECRs we
have not made conclusive progress on the subject. The proposed
CTA is envisaged to bring about an order of magnitude increase
in VHE AGN detections and may thus allow us to make great
progress in searches for the secondary emission of UHECRs. Its
increased sensitivity by as much as a factor of ten compared to
the current generation of IACTs may make it possible to rule out
or confirm the existence of the tail expected if the observed VHE
emission is due to a UHECR-induced inverse Compton cascade.
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Very quick 
panorama of simulation tools

2.Tools for multi-messenger astrophysics
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Some public propagation and interaction codes

Cosmic-ray interstellar & intergalactic propagation tools

GALPROP 
DRAGON 
PICARD 
… 

CRPropa 
SimProp 
…

at UHE: numerical integration of the equation of motion of single particles

propagation of cosmic ray densities at high energies treated by solving transport equations 

CRPropa: unify HE+UHE

Interaction codes/tables

SOPHIA 
TALYS 
EPOS/SIBYLL 
…

pγ
Nγ
hadronic

Gamma-ray cascades

CRPropa 
ELMAG 
…

Radiation from accelerated leptons & hadrons AM3, ATHEvA, B13, LeHaParis…

- treatment of different scales 
(including microscopic & MHD processes)  

- time-dependencies 
- self-consistency (radiation production & impact)

Challenges



GW-neutrino sources

3. Can we really do multi-messenger astrophysics?

ISAPP School Institut Pascal - 25/03/2020Kumiko Kotera - Institut d’Astrophysique de Paris 
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Multi-messengers?

ν
γ νγ

p Fe

Cosmic rays

Gamma rays

cosmic rays + others 
—> temporal coincidence 
impossible (deflections) 

but studies of diffuse fluxes

GW + electromagnetic 
(+gamma) 
GW170817

neutrinos + gammas? 
TXS0506+056 (blazar flare)

GW + neutrinos ???

Gravitational waves

Neutrinos
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Multi-messengers?

ν
γ νγ

p Fe

Cosmic rays

Gamma rays

GW + neutrinos ???

Gravitational waves

Neutrinos

Bartos & Kowalski 2017



Young pulsars

AGN/Blazars 
flares, time-variabilities

Magnetars 
(AXP/SGR)

Possible gravitational wave sources

Neutron star 
mergers

BH-BH and BH-
NS mergers Tidal disruption 

events

e.g., Kimura et al. 2017, 2018 
Biehl et al. 2018 
Decoene, Guépin, Fang, KK, 
Metzger, 2020 
Ahlers & Halser 2020

Fang & Metzger 2018

KK & Silk 2016 
De Wasseige et al. 2019 
Shi & Yuan 2020
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Long 
Gamma Ray 
Bursts

Superluminous 
Supernovae

Murase & Bartos 2019
Guépin & KK 2017



 comfortable energetics: 
EGW = 3.0+0.5 Msun c2 ∼ 5.4 ×1054 erg per source 
population rate ρBH ∼ 2 − 400 Gpc−3 yr−1  
efficiency < 3% required in UHECRs per event per 
unit of GW energy release 

 heavy composition possible:  
 iron-enriched residual debris around merging BHs

learnt from GW150914

2

Milosavljević & Phinney 2005; O’Neill et al. 2009; Palen-
zuela et al. 2009, 2010; Moesta et al. 2010, 2012; Bode
et al. 2012; Giacomazzo et al. 2012; Gold et al. 2014).
The level of radiative flux generated is however uncer-
tain, and subject to strong variabilities according to pa-
rameters and unknown structural details of the system.
Most models are in line with the original Blandford-

Znajek process (Blandford & Znajek 1977) that extracts
the space-time rotational energy of the BHs to generate a
powerful electromagnetic outflow. The same mechanisms
can be applied to stellar BHs at the cost of rescaling the
BH mass and the magnetic field. A rough estimate of
the Poynting flux can then be derived (Lyutikov 2011)

LBZ =
(GM)3B2

c5R
⇠ 3.2⇥1046 erg s�1 M3

100
B2

11

RS

R
, (1)

whereM is the final black hole mass and B = B11/1011 G
is the strength of the external magnetic field. We have
estimated the orbital radius R as the Schwarzschild ra-
dius RS = 2GM/c2 ⇠ 3.0 ⇥ 107 M100 cm, with M100 ⌘
M/100M�.
The magnetic field within the orbit is commonly esti-

mated by assuming that a fraction ⌘E of the Eddington
luminosity is tapped into magnetic luminosity, yielding

values of B ⇠ 3⇥ 106 GM�1/2
100

⌘1/2
E

(R/RS)�1 (e.g., Lyu-
tikov 2011). Recent simulations demonstrate however
that non-linear e↵ects should amplify this field by up to
2 orders of magnitude (Giacomazzo et al. 2012). One
could also invoke an ↵!-dynamo process as for pulsars
and magnetars, that would generate fields of strength
B ⇠ 1012 G(P/300ms)�1, with P the spin period of the
system (Thompson & Duncan 1993; Xu et al. 2002). The
seed fields could be anchored to the remains of the accre-
tion disk, the existence of which is proposed for example
in Perna et al. (2016), that should rotate with period
P ⇠ 1 � 10 s, leading to a dynamo-generated field of
B & 1010 G.
A stringent lower limit on the luminosity of any astro-

physical outflow can be placed as a necessary condition
to accelerate particles to energy E (Lemoine & Wax-
man 2009): L > 1045(E/1020 eV)2Z�2 erg s�1, with Z
the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
ceptionally bright. Equation (1) suggests that a system
like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.

3. A TRANSIENT CANDIDATE SOURCE FOR UHECRS

Above E > 1019 eV, the observed cosmic-ray flux
constrains the source population energy budget to
EUHECR ⇢0 = 1044.5 ergMpc�3 yr�1, requiring that each
individual source supplies an energy

EUHECR & 3.2⇥ 1053 erg

✓
⇢0

1Gpc�3 yr�1

◆�1

, (2)

with ⇢0 the source population rate at redshift z = 0.
This budget is not easily reached by most astrophysi-
cal populations. For BH mergers, the rates inferred by
LIGO (Abbott et al. 2016b) imply EUHECR & 7.9 ⇥
1050 erg (⇢0/400Gpc�3 yr�1)�1 and EUHECR & 1.6 ⇥
1053 erg (⇢0/2Gpc�3 yr�1)�1, for the upper and lower
rate limits respectively. Such energies represent a frac-
tion of < 3% of the energy released in gravitational waves

by GW150914 (Egw ⇠ 3.0M�c2 ⇠ 5.4 ⇥ 1054 erg s�1).
To achieve such energies, the system would be required
to supply a luminosity LBZ (Eq. 1) for time spans of 7
hours to 2 months. These durations constitute a comfort-
able fraction of the typical Blandford-Znajek timescale
tBZ = Mc2/LBZ ⇠ 22M100B

�2

11
(RS/R)2 yr. However,

the Blandford-Znajek process would be maintained only
as long as the black hole accretes after the merger. The
relatively long disk accretion time needed by our model
is best explained if the disk is sourced by tidal disruption
of asteroids or planets. We note that the tidal radius for
such a body of massm�18 ⌘ m/10�18 M� and size rkm ⌘
r/1 km is about rt ⇠ 4⇥ 1011 cm (M100/mc)1/3rkm. The
orbital period for the debris is of order a day. Such dis-
ruptions are plausibly triggered by merger-perturbed or-
bits of residual asteroid clouds surrounding either or both
of the merging black holes.
The absence of multiplets, namely cosmic ray events

arriving with little angular separation in the sky, can
be used to constrain the apparent number density of
sources to n0 > 10�5 Mpc�3, even if particles are de-
flected to ⇠ 30� (Abreu et al. 2013). The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) is not compatible with these observations.
For transient sources, on the other hand, the apparent n0

and real ⇢0 number densities of proton UHECR sources
are related via the cosmic ray arrival time spread �t due
to magnetic fields: ⇢0 ⇠ n0/�t (Murase & Takami 2009).
The time spread is of order �t ⇠ 104 yrs for a 1� deflec-
tion over 100Mpc, and even rare transient events (e.g.,
⇢0 = 1Gpc�3yr�1) could mimic a rather dense popu-
lation. The rates inferred by the LIGO observations for
BH mergers are thus compatible with these observations.
Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
The statistically significant cosmic-ray excess above en-

ergy 5.7⇥ 1019 eV reported by the Telescope Array (TA)
within a 20� radius circle centered at (R.A. = 146.7,
Dec. = 43.2) (Abbasi et al. 2014) can also be best accom-
modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
systematics (Tameda et al. 2011; Pierog 2013; Telescope
Array et al. 2013). BH mergers stem from the core of
massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
should thus o↵er a favorable site to produce and acceler-
ate heavy nuclei.

4. ASSOCIATED NEUTRINO FLUXES

2

Milosavljević & Phinney 2005; O’Neill et al. 2009; Palen-
zuela et al. 2009, 2010; Moesta et al. 2010, 2012; Bode
et al. 2012; Giacomazzo et al. 2012; Gold et al. 2014).
The level of radiative flux generated is however uncer-
tain, and subject to strong variabilities according to pa-
rameters and unknown structural details of the system.
Most models are in line with the original Blandford-

Znajek process (Blandford & Znajek 1977) that extracts
the space-time rotational energy of the BHs to generate a
powerful electromagnetic outflow. The same mechanisms
can be applied to stellar BHs at the cost of rescaling the
BH mass and the magnetic field. A rough estimate of
the Poynting flux can then be derived (Lyutikov 2011)

LBZ =
(GM)3B2

c5R
⇠ 3.2⇥1046 erg s�1 M3
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, (1)

whereM is the final black hole mass and B = B11/1011 G
is the strength of the external magnetic field. We have
estimated the orbital radius R as the Schwarzschild ra-
dius RS = 2GM/c2 ⇠ 3.0 ⇥ 107 M100 cm, with M100 ⌘
M/100M�.
The magnetic field within the orbit is commonly esti-

mated by assuming that a fraction ⌘E of the Eddington
luminosity is tapped into magnetic luminosity, yielding

values of B ⇠ 3⇥ 106 GM�1/2
100

⌘1/2
E

(R/RS)�1 (e.g., Lyu-
tikov 2011). Recent simulations demonstrate however
that non-linear e↵ects should amplify this field by up to
2 orders of magnitude (Giacomazzo et al. 2012). One
could also invoke an ↵!-dynamo process as for pulsars
and magnetars, that would generate fields of strength
B ⇠ 1012 G(P/300ms)�1, with P the spin period of the
system (Thompson & Duncan 1993; Xu et al. 2002). The
seed fields could be anchored to the remains of the accre-
tion disk, the existence of which is proposed for example
in Perna et al. (2016), that should rotate with period
P ⇠ 1 � 10 s, leading to a dynamo-generated field of
B & 1010 G.
A stringent lower limit on the luminosity of any astro-

physical outflow can be placed as a necessary condition
to accelerate particles to energy E (Lemoine & Wax-
man 2009): L > 1045(E/1020 eV)2Z�2 erg s�1, with Z
the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
ceptionally bright. Equation (1) suggests that a system
like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.

3. A TRANSIENT CANDIDATE SOURCE FOR UHECRS

Above E > 1019 eV, the observed cosmic-ray flux
constrains the source population energy budget to
EUHECR ⇢0 = 1044.5 ergMpc�3 yr�1, requiring that each
individual source supplies an energy

EUHECR & 3.2⇥ 1053 erg

✓
⇢0

1Gpc�3 yr�1

◆�1

, (2)

with ⇢0 the source population rate at redshift z = 0.
This budget is not easily reached by most astrophysi-
cal populations. For BH mergers, the rates inferred by
LIGO (Abbott et al. 2016b) imply EUHECR & 7.9 ⇥
1050 erg (⇢0/400Gpc�3 yr�1)�1 and EUHECR & 1.6 ⇥
1053 erg (⇢0/2Gpc�3 yr�1)�1, for the upper and lower
rate limits respectively. Such energies represent a frac-
tion of < 3% of the energy released in gravitational waves

by GW150914 (Egw ⇠ 3.0M�c2 ⇠ 5.4 ⇥ 1054 erg s�1).
To achieve such energies, the system would be required
to supply a luminosity LBZ (Eq. 1) for time spans of 7
hours to 2 months. These durations constitute a comfort-
able fraction of the typical Blandford-Znajek timescale
tBZ = Mc2/LBZ ⇠ 22M100B

�2

11
(RS/R)2 yr. However,

the Blandford-Znajek process would be maintained only
as long as the black hole accretes after the merger. The
relatively long disk accretion time needed by our model
is best explained if the disk is sourced by tidal disruption
of asteroids or planets. We note that the tidal radius for
such a body of massm�18 ⌘ m/10�18 M� and size rkm ⌘
r/1 km is about rt ⇠ 4⇥ 1011 cm (M100/mc)1/3rkm. The
orbital period for the debris is of order a day. Such dis-
ruptions are plausibly triggered by merger-perturbed or-
bits of residual asteroid clouds surrounding either or both
of the merging black holes.
The absence of multiplets, namely cosmic ray events

arriving with little angular separation in the sky, can
be used to constrain the apparent number density of
sources to n0 > 10�5 Mpc�3, even if particles are de-
flected to ⇠ 30� (Abreu et al. 2013). The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) is not compatible with these observations.
For transient sources, on the other hand, the apparent n0

and real ⇢0 number densities of proton UHECR sources
are related via the cosmic ray arrival time spread �t due
to magnetic fields: ⇢0 ⇠ n0/�t (Murase & Takami 2009).
The time spread is of order �t ⇠ 104 yrs for a 1� deflec-
tion over 100Mpc, and even rare transient events (e.g.,
⇢0 = 1Gpc�3yr�1) could mimic a rather dense popu-
lation. The rates inferred by the LIGO observations for
BH mergers are thus compatible with these observations.
Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
The statistically significant cosmic-ray excess above en-

ergy 5.7⇥ 1019 eV reported by the Telescope Array (TA)
within a 20� radius circle centered at (R.A. = 146.7,
Dec. = 43.2) (Abbasi et al. 2014) can also be best accom-
modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
systematics (Tameda et al. 2011; Pierog 2013; Telescope
Array et al. 2013). BH mergers stem from the core of
massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
should thus o↵er a favorable site to produce and acceler-
ate heavy nuclei.

4. ASSOCIATED NEUTRINO FLUXES

 magnetic field strength via αω-dynamo
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Milosavljević & Phinney 2005; O’Neill et al. 2009; Palen-
zuela et al. 2009, 2010; Moesta et al. 2010, 2012; Bode
et al. 2012; Giacomazzo et al. 2012; Gold et al. 2014).
The level of radiative flux generated is however uncer-
tain, and subject to strong variabilities according to pa-
rameters and unknown structural details of the system.
Most models are in line with the original Blandford-

Znajek process (Blandford & Znajek 1977) that extracts
the space-time rotational energy of the BHs to generate a
powerful electromagnetic outflow. The same mechanisms
can be applied to stellar BHs at the cost of rescaling the
BH mass and the magnetic field. A rough estimate of
the Poynting flux can then be derived (Lyutikov 2011)
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whereM is the final black hole mass and B = B11/1011 G
is the strength of the external magnetic field. We have
estimated the orbital radius R as the Schwarzschild ra-
dius RS = 2GM/c2 ⇠ 3.0 ⇥ 107 M100 cm, with M100 ⌘
M/100M�.
The magnetic field within the orbit is commonly esti-

mated by assuming that a fraction ⌘E of the Eddington
luminosity is tapped into magnetic luminosity, yielding

values of B ⇠ 3⇥ 106 GM�1/2
100

⌘1/2
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(R/RS)�1 (e.g., Lyu-
tikov 2011). Recent simulations demonstrate however
that non-linear e↵ects should amplify this field by up to
2 orders of magnitude (Giacomazzo et al. 2012). One
could also invoke an ↵!-dynamo process as for pulsars
and magnetars, that would generate fields of strength
B ⇠ 1012 G(P/300ms)�1, with P the spin period of the
system (Thompson & Duncan 1993; Xu et al. 2002). The
seed fields could be anchored to the remains of the accre-
tion disk, the existence of which is proposed for example
in Perna et al. (2016), that should rotate with period
P ⇠ 1 � 10 s, leading to a dynamo-generated field of
B & 1010 G.
A stringent lower limit on the luminosity of any astro-

physical outflow can be placed as a necessary condition
to accelerate particles to energy E (Lemoine & Wax-
man 2009): L > 1045(E/1020 eV)2Z�2 erg s�1, with Z
the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
ceptionally bright. Equation (1) suggests that a system
like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.

3. A TRANSIENT CANDIDATE SOURCE FOR UHECRS

Above E > 1019 eV, the observed cosmic-ray flux
constrains the source population energy budget to
EUHECR ⇢0 = 1044.5 ergMpc�3 yr�1, requiring that each
individual source supplies an energy
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with ⇢0 the source population rate at redshift z = 0.
This budget is not easily reached by most astrophysi-
cal populations. For BH mergers, the rates inferred by
LIGO (Abbott et al. 2016b) imply EUHECR & 7.9 ⇥
1050 erg (⇢0/400Gpc�3 yr�1)�1 and EUHECR & 1.6 ⇥
1053 erg (⇢0/2Gpc�3 yr�1)�1, for the upper and lower
rate limits respectively. Such energies represent a frac-
tion of < 3% of the energy released in gravitational waves

by GW150914 (Egw ⇠ 3.0M�c2 ⇠ 5.4 ⇥ 1054 erg s�1).
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hours to 2 months. These durations constitute a comfort-
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the Blandford-Znajek process would be maintained only
as long as the black hole accretes after the merger. The
relatively long disk accretion time needed by our model
is best explained if the disk is sourced by tidal disruption
of asteroids or planets. We note that the tidal radius for
such a body of massm�18 ⌘ m/10�18 M� and size rkm ⌘
r/1 km is about rt ⇠ 4⇥ 1011 cm (M100/mc)1/3rkm. The
orbital period for the debris is of order a day. Such dis-
ruptions are plausibly triggered by merger-perturbed or-
bits of residual asteroid clouds surrounding either or both
of the merging black holes.
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arriving with little angular separation in the sky, can
be used to constrain the apparent number density of
sources to n0 > 10�5 Mpc�3, even if particles are de-
flected to ⇠ 30� (Abreu et al. 2013). The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) is not compatible with these observations.
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⇢0 = 1Gpc�3yr�1) could mimic a rather dense popu-
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Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
The statistically significant cosmic-ray excess above en-

ergy 5.7⇥ 1019 eV reported by the Telescope Array (TA)
within a 20� radius circle centered at (R.A. = 146.7,
Dec. = 43.2) (Abbasi et al. 2014) can also be best accom-
modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
systematics (Tameda et al. 2011; Pierog 2013; Telescope
Array et al. 2013). BH mergers stem from the core of
massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
should thus o↵er a favorable site to produce and acceler-
ate heavy nuclei.
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the space-time rotational energy of the BHs to generate a
powerful electromagnetic outflow. The same mechanisms
can be applied to stellar BHs at the cost of rescaling the
BH mass and the magnetic field. A rough estimate of
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whereM is the final black hole mass and B = B11/1011 G
is the strength of the external magnetic field. We have
estimated the orbital radius R as the Schwarzschild ra-
dius RS = 2GM/c2 ⇠ 3.0 ⇥ 107 M100 cm, with M100 ⌘
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tikov 2011). Recent simulations demonstrate however
that non-linear e↵ects should amplify this field by up to
2 orders of magnitude (Giacomazzo et al. 2012). One
could also invoke an ↵!-dynamo process as for pulsars
and magnetars, that would generate fields of strength
B ⇠ 1012 G(P/300ms)�1, with P the spin period of the
system (Thompson & Duncan 1993; Xu et al. 2002). The
seed fields could be anchored to the remains of the accre-
tion disk, the existence of which is proposed for example
in Perna et al. (2016), that should rotate with period
P ⇠ 1 � 10 s, leading to a dynamo-generated field of
B & 1010 G.
A stringent lower limit on the luminosity of any astro-

physical outflow can be placed as a necessary condition
to accelerate particles to energy E (Lemoine & Wax-
man 2009): L > 1045(E/1020 eV)2Z�2 erg s�1, with Z
the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
ceptionally bright. Equation (1) suggests that a system
like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.

3. A TRANSIENT CANDIDATE SOURCE FOR UHECRS

Above E > 1019 eV, the observed cosmic-ray flux
constrains the source population energy budget to
EUHECR ⇢0 = 1044.5 ergMpc�3 yr�1, requiring that each
individual source supplies an energy

EUHECR & 3.2⇥ 1053 erg
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1Gpc�3 yr�1

◆�1
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with ⇢0 the source population rate at redshift z = 0.
This budget is not easily reached by most astrophysi-
cal populations. For BH mergers, the rates inferred by
LIGO (Abbott et al. 2016b) imply EUHECR & 7.9 ⇥
1050 erg (⇢0/400Gpc�3 yr�1)�1 and EUHECR & 1.6 ⇥
1053 erg (⇢0/2Gpc�3 yr�1)�1, for the upper and lower
rate limits respectively. Such energies represent a frac-
tion of < 3% of the energy released in gravitational waves

by GW150914 (Egw ⇠ 3.0M�c2 ⇠ 5.4 ⇥ 1054 erg s�1).
To achieve such energies, the system would be required
to supply a luminosity LBZ (Eq. 1) for time spans of 7
hours to 2 months. These durations constitute a comfort-
able fraction of the typical Blandford-Znajek timescale
tBZ = Mc2/LBZ ⇠ 22M100B

�2

11
(RS/R)2 yr. However,

the Blandford-Znajek process would be maintained only
as long as the black hole accretes after the merger. The
relatively long disk accretion time needed by our model
is best explained if the disk is sourced by tidal disruption
of asteroids or planets. We note that the tidal radius for
such a body of massm�18 ⌘ m/10�18 M� and size rkm ⌘
r/1 km is about rt ⇠ 4⇥ 1011 cm (M100/mc)1/3rkm. The
orbital period for the debris is of order a day. Such dis-
ruptions are plausibly triggered by merger-perturbed or-
bits of residual asteroid clouds surrounding either or both
of the merging black holes.
The absence of multiplets, namely cosmic ray events

arriving with little angular separation in the sky, can
be used to constrain the apparent number density of
sources to n0 > 10�5 Mpc�3, even if particles are de-
flected to ⇠ 30� (Abreu et al. 2013). The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) is not compatible with these observations.
For transient sources, on the other hand, the apparent n0

and real ⇢0 number densities of proton UHECR sources
are related via the cosmic ray arrival time spread �t due
to magnetic fields: ⇢0 ⇠ n0/�t (Murase & Takami 2009).
The time spread is of order �t ⇠ 104 yrs for a 1� deflec-
tion over 100Mpc, and even rare transient events (e.g.,
⇢0 = 1Gpc�3yr�1) could mimic a rather dense popu-
lation. The rates inferred by the LIGO observations for
BH mergers are thus compatible with these observations.
Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
The statistically significant cosmic-ray excess above en-

ergy 5.7⇥ 1019 eV reported by the Telescope Array (TA)
within a 20� radius circle centered at (R.A. = 146.7,
Dec. = 43.2) (Abbasi et al. 2014) can also be best accom-
modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
systematics (Tameda et al. 2011; Pierog 2013; Telescope
Array et al. 2013). BH mergers stem from the core of
massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
should thus o↵er a favorable site to produce and acceler-
ate heavy nuclei.
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Figure 1.2: Sketch of the regions of the neutron-star merger remnant at play for the
acceleration and interaction of cosmic rays in our scenario. The red and blue envelopes
indicate the location of the so-called blue and red kilonovae ejecta, that emit thermal
UV/optical/IR radiation over timescales of hours to days (blue) and a week (red). Models
related to the GRB jet have been explored in scenarios involving GRBs. In this work,
we focus on the interaction of a fast wide-angle outflow from the accretion disk powered
by late-time fall-back of merger debris, with the slowly-expanding red kilonova ejecta.
This interaction results in the dissipation of the accretion power as shocks or magnetic
reconnection, accelerating relativistic particles, in a nebula behind the ejecta shell.

1.2 Principles of phenomenological modelling

Modelling astroparticles emissions from high energy sources require to take into account
various complex processes. The key element in that respect, is the interplay between the
particles and the background environment provided by the source. The particles undergoes
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Figure 4. Predicted fluence of muon neutrinos (⌫µ + ⌫̄µ) associ-
ated with the prompt emission in the best-fit structured jet model
of Ghirlanda et al. (2019). We show the predictions based on a
fixed photon peak in the shell frame (“fixed ✏ 0

peak
”, solid lines) us-

ing Eq. (32) and in the engine frame (“fixed ✏ ⇤
peak

”, dotted lines)

using Eq. (33). The thick black lines show the o↵-axis emission at a
viewing angle ✓v = 15

�. The blue lines show the corresponding pre-
diction for the on-axis emission, which has a strong dependence on
the internal photon spectrum. The thin green lines show the result
of an approximation based on the standard on-axis calculation of
uniform jets (Waxman & Bahcall 1997) with jet parameters from
the structured jet model at ✓⇤ = ✓v . The upper solid lines indicate
the 90% C.L. upper limit on the fluence from Albert et al. (2017).

✏peak ' 20 MeV, in tension with the peak distribution in-
ferred from GRBs observed by Fermi-GBM (Gruber et al.
2014). The phenomenological model (b) is motivated by the
discussion of Ioka & Nakamura (2019), who study the con-
sistency of the on-axis emission of GRB 170817A with the
E iso
� -✏peak correlation suggested by Amati (2006). Here, the

on-axis fluence is expected to peak at ✏peak ' 178 keV.

5.2 Neutrino Fluence

As we discussed in section 4, the neutrino emissivity of a
structured jet is expected to deviate from the angular dis-
tribution of the observable �-ray emission. For high opacity
(⌧p� � 1) regions of the shell the angular distribution of the
neutrino emission is expected to follow the distribution of in-
ternal energy (24) that takes into account the e�ciency of
dissipation in internal collisions. This is shown for our e�-
ciency model (A6) as the thick green line in Fig. 4. For low-
opacity (⌧p� � 1) regions, however, the energy distribution
has an additional angular scaling from the opacity (27), as
indicated by the thin green line. One can notice that a low
opacity environment has an enhanced emission at jet angles
10

�-20
�, which is comparable to our relative viewing angle.

Note that the angular distributions in Fig. 3 are normalized
to the value at the jet core and do not indicate the absolute
emissivity of neutrinos or �-rays, which depend on jet angle
✓⇤ and co-moving cosmic ray energy ✏ 0p.

At each jet angle ✓⇤ we estimate the maximal cosmic ray
energy based on a comparison of the acceleration rate to the

combined rate of losses from synchrotron emission, p� in-
teractions (Bethe-Heitler and photo-hadronic) and adiabatic
losses. Our model predictions assume a magnetic energy ra-
tio compared to �-rays of ⇠B = 0.1 and a non-thermal bary-
onic loading of ⇠p ' 1 (see Appendix B). We calculate the
neutrino emissivity j 0⌫↵ (✓

⇤, ✏ 0⌫) from p� interactions with the
photon background in sub-shells based on the Monte-Carlo
generator SOPHIA (Mücke et al. 2000), that we modified to
account for synchrotron losses of all secondary charged parti-
cles before their decay (Lipari et al. 2007). The uncertainties
regarding the photon target spectrum are estimated in the
following via the two models (a) and (b) of the peak photon
energy.

The expected fluence of muon neutrinos (⌫µ + ⌫̄µ) under
di↵erent model assumptions is shown in Fig. 4. The o↵-axis
fluence at a viewing angle of ✓v ' 15

� is indicated as thick
black lines. The o↵-axis prediction has only a weak depen-
dence on the angular scaling of the co-moving peak of the
photon spectrum, Eqs. (32) or (33), as indicated as solid and
dotted lines, respectively. This is expected from the normal-
ization of the model to the observed �-ray fluence under this
viewing angle. For comparison, we also show in Fig. 4 an
approximation (thin green lines) of the o↵-axis neutrino flu-
ence based on the on-axis top-hat jet calculation with Lorentz
factor and neutrino emissivity evaluated at ✓⇤ ' ✓v . This ap-
proximation has been used by Biehl et al. (2018) to scale the
o↵-axis emission of the structured jet. Note that this approx-
imation significantly underestimates the expected neutrino
fluence of GRB 170717A compared to an exact calculation.

Figure 4 also indicates the predicted neutrino fluence for an
on-axis observer of the source located at the same luminosity
distance. The extrapolated on-axis fluence shows a strong
dependence on the model of the internal photon spectrum;
model (33) predicts a strong neutrino peak at the EeV scale
that exceeds the prediction of model (32) by two orders of
magnitude. The relative di↵erence of the neutrino fluence at
the EeV scale follows from the ratio of ✏ 0

peak
(0) for the two

models (32) and (32): For a fixed co-moving energy density
of the shell, a lower peak photon energy corresponds to a
higher photon density and also a higher threshold for neutrino
production. One can also notice, that the on-axis neutrino
fluence in the TeV range depends only marginally on the
viewing angle. This energy scale is dominated by the emission
of the jet at ✓⇤ ' 10

�
� 20

� and reflects the strong angular
dependence of the neutrino emission in the rest frame of the
central engine (cf. Fig. 3).

The upper thin solid lines in Fig. 4 show the 90% confidence
level (C.L.) upper limits on the neutrino flux of GRB 170817A
from Antares, Auger and IceCube (Albert et al. 2017). The
predicted neutrino fluence is orders of magnitude below these
combined limits. However, our neutrino fluence predictions
are proportional to the non-thermal baryonic loading factor,
and we assume a moderate value of ⇠p = 1 for our calcula-
tions. In any case, the predicted neutrino flux at an observa-
tion angle of 15

� is many orders of magnitude larger than the
expectation from an o↵-axis observation of a uniform jet.

6 CONCLUSIONS

In this paper, we have discussed the emission of neutrinos
in the internal shock model of �-ray bursts. The majority of
previous predictions are based on the assumption of on-axis
observations of uniform jets with wide opening angles. Here,
we have extended the standard formalism of neutrino pro-
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to attenuation by the ejecta, we compare our neutrino con-
straints to neutrino emission expected for typical GRB pa-
rameters. For the prompt and extended emissions, we use the
results of Kimura et al. (2017) and compare these to our con-
straints for the relevant ±500 s time window. For extended
emission we consider source parameters corresponding to
both optimistic and moderate scenarios in Table 1 of Kimura
et al. (2017). For emission on even longer timescales, we
compare our constraints for the 14-day time window with
the relevant results of Fang & Metzger (2017), namely emis-
sion from approximately 0.3 to 3 days and from 3 to 30 days
following the merger. Predictions based on fiducial emis-
sion models and neutrino constraints are shown in Fig. 2. We
find that our limits would constrain the optimistic extended-
emission scenario for a typical GRB at ⇠ 40Mpc, viewed at
zero viewing angle.

4. CONCLUSION

We searched for high-energy neutrinos from the first bi-
nary neutron star merger detected through GWs, GW170817,
in the energy band of [⇠ 1011 eV, ⇠ 1020 eV] using the
ANTARES, IceCube, and Pierre Auger Observatories, as well
as for MeV neutrinos with IceCube. This marks an unprece-
dented joint effort of experiments sensitive to high-energy
neutrinos. We have observed no significant neutrino counter-
part within a ±500 s window, nor in the subsequent 14 days.
The three detectors complement each other in the energy
bands in which they are most sensitive (see Fig. 2).

This non-detection is consistent with our expectations from
a typical GRB observed off-axis, or with a low-luminosity
GRB. Possible gamma-ray attenuation in the ejecta from the
merger remnant could also account for the low gamma-ray
luminosity, which could mean stronger neutrino emission.
Optimistic scenarios for such on-axis gamma-attenuated
emission are constrained by the present non-detection.

While the location of this source was nearly ideal for
Auger, it was well above the horizon for IceCube and
ANTARES for prompt observations. This limited the sensitiv-
ity of the latter two detectors, particularly below ⇠ 100TeV.
For source locations near, or below the horizon, a factor of
⇠ 10 increase in fluence sensitivity to prompt emission from
an E�2 neutrino spectrum is expected.

With the discovery of a nearby binary neutron star merger,
the ongoing enhancement of detector sensitivity (Abbott
et al. 2016) and the growing network of GW detectors (Aso
et al. 2013; Iyer et al. 2011), we can expect that several binary
neutron star mergers will be observed in the near future. Not
only will this allow stacking analyses of neutrino emission,
but it will also bring about sources with favorable orientation
and direction.

The ANTARES, IceCube, and Pierre Auger Collaborations
are planning to continue the rapid search for neutrino can-

Figure 2. Upper limits (at 90% confidence level) on the neutrino
spectral fluence from GW170817 during a ±500 s window centered
on the GW trigger time (top panel), and a 14-day window follow-
ing the GW trigger (bottom panel). For each experiment, limits are
calculated separately for each energy decade, assuming a spectral
fluence F (E) = Fup ⇥ [E/GeV]�2 in that decade only. Also
shown are predictions by neutrino emission models. In the upper
plot, models from Kimura et al. (2017) for both extended emission
(EE) and prompt emission are scaled to a distance of 40 Mpc, and
shown for the case of on-axis viewing angle (0�) and selected off-
axis angles to indicate the dependence on this parameter. GW data
and the redshift of the host-galaxy constrain the viewing angle to
⇥ 2 [0�, 36�] (see Section 3). In the lower plot, models from Fang
& Metzger (2017) are scaled to a distance of 40 Mpc. All fluences
are shown as the per flavor sum of neutrino and anti-neutrino flu-
ence, assuming equal fluence in all flavors, as expected for standard
neutrino oscillation parameters.

didates from identified GW sources. A coincident neutrino,
with a typical position uncertainty of ⇠ 1 deg2 could signifi-
cantly improve the fast localization of joint events compared
to the GW-only case. In addition, the first joint GW and high-
energy neutrino discovery might thereby be known to the
wider astronomy community within minutes after the event,
opening a rich field of multimessenger astronomy with parti-
cle, electromagnetic, and gravitational waves combined.
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cuto↵ of the neutrino fluence to lower energies, while
there is only a slight impact on the peak for GRBs. This
example has been computed with an initial baryonic load-
ing of ⇠A = 100, as indicated by the scale on the left side
of the plot, it scales directly with this parameter. The
blue band includes the 1�-uncertainties on the measured
duration T90, time variability tv, redshift z, �-ray fluence
F� as well as the spectral index ↵ and peak energy Epeak

of the SED. Note that we use D = 2� instead of � for
the boost compared to what is frequently used in the
literature.

The gray scale indicates which fraction of the total
mass of the neutron star system has to be dumped into
the jet. Assuming that the whole mass of the sys-
tem, which is estimated to be 2.74+0.04

�0.01M� [1], goes
into the jet, the maximum achievable baryonic loading is
⇠A = 107.5. This is to be interpreted only as a rough guid-
ance, since the actually realeased energy (compared to
the isotropic equivalent energy) is smaller by the beam-
ing factor ⇠ 1/(2�2) covered by the jet, which relaxes
this constraint. On the other hand, for the structured
jet scenario, the released energy in di↵erent directions
may be higher, which makes the constraint stronger.

As an additional constraint, the photospheric radius
scales with the baryonic loading. According to Eq. (13)
the maximum baryonic loading is ⇠A,max ⇠ 103 for the
dissipation radius to be super-photospheric. This means
that the shown neutrino fluence can be up-scaled by a fac-
tor of 10 in this scenario, which represents our maximal
possible neutrino fluence for this SGRB in the internal
shock scenario. Thus, if indeed neutrinos had been de-
tected, then one would have concluded that the gamma-
ray emission comes from the photosphere at a larger ra-
dius than the neutrino production radius.

We show the impact of the Lorentz factor on the muon
neutrino fluence in Fig. 3. The solid curves refer to a
fixed baryonic loading ⇠A = 100, which illustrate that
the fluence scales with � according to Eq. (11) without
imposing any additional constraints. The scaling agrees
very well. However, for large shifts there is an additional
damping of the high-energy tail of the spectrum due to
secondary cooling, which was neglected in the simple an-
alytic estimate Eq. (11).

For low values of �, the collision radius decreases,
which implies e�cient neutrino production. On the other
hand, the photospheric radius increases, which leads to
sub-photospheric collisions for � . 20 – indicated by
thin solid curves. The dashed curves indicate the max-
imal neutrino fluence using the photospheric constraint,
which means that the curves for � < 20 are down-scaled
to match it, and the curves for � > 20 are up-scaled ac-
cordingly. The expected maximal neutrino fluence is at
most about four orders of magnitude below the neutrino
telescope sensitivities, which means that the detection of
a neutrino coming from this SGRB was extremely un-
likely in the structured jet scenario.

FIG. 3: Fluence of ⌫µ + ⌫̄µ for SGRB170817A and di↵er-
ent values of the Lorentz factor � in the structured jet case.
We assume pure proton injection and the same parameters as
given in Fig. 2. Solid curves refer to a fixed baryonic loading
of ⇠A = 100, where thick solid curves correspond to colli-
sions above the photosphere, and thin curves indicate sub-
photospheric collisions. For the dashed curves, the baryonic
loading has been maximized demanding that Rcoll > Rph.

B. O↵-axis fireball scenario

In the o↵-axis fireball scenario, the observation angle
✓obs enters as an additional parameter influencing neu-
trino production and photospheric radius.
In Fig. 4, the dependence of the neutrino fluence on

the observation angle is shown. The Lorentz factor is
fixed to � = 30, which means that the scaling is given by
Eq. (11). Again, the solid curves represent the unscaled
fluences with a fixed baryonic loading ⇠A = 100, while
the dashed curves show the maximum achievable neu-
trino fluence corresponding to the solid curves re-scaled
with the maximum possible baryonic loading demanding
that Rcoll > Rph. From the way the curves rescale it can
be deduced that the collisions become sub-photospheric
(thin lines) already for small observation angles ✓obs ⇠ 2�

for this particular values of � and ⇠A. For large obser-
vation angles, the fluence will be highly suppressed. The
maximum neutrino fluence is a few ⇥10�5 GeV cm�2

for the on-axis observer and ⇠A,max ⇡ 103. Compared to
the structured low luminosity jet, the o↵-axis observation
makes it even less likely to detect a neutrino from this
event.
In order to demonstrate how observation angle ✓obs

and Lorentz factor � are a↵ected by the photospheric
constraint, we show a parameter space scan in Fig. 5. For
each set of parameters, the maximum possible baryonic
loading is calculated such that the collision is still super-
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Figure 6. Neutrino spectra for one source at distance 40Mpc (optimistic scenario), for an injection

spectral index ↵ = 1.5 and baryon loading ⌘p = 0.1. Lines with increasing thickness represent neutrino

fluences integrated up to the indicated (increasing) times after the merger. Left: pure proton injection

and Right: pure iron injection. Black solid lines represent the IceCube point-source sensitivity for two

declination configurations of the source in the sky: 0� < � < 30� (best sensitivity) and 30� < � < 60�

[? ]. Dashed lines are projected point-source sensitivities for future experiments: POEMMA [? ]

(blue) and GRAND (green) [? ].

mismatch around E = 106 GeV in the neutrino spectra (since about 5% percent of the energy
of the proton goes into neutrinos). In this energy range, the conversion of proton energy
into neutrino energy is not well reproduced by the analytical estimate. The discrepancies
at lower energies and in the high energy tail of the neutrino spectra is due to the photopion
production model. Our analytical estimates only considers a constant interaction cross section
for photopion production, while the accurate implementation of other channels smooth out
the secondary particle energies over a wider range. Note however that the peak of each spectra
is accurately reproduced, and the good agreement in the cosmic-ray spectra implies that the
fraction of proton energy converted into meson (pion) energy is correctly estimated.

Regarding the cosmic rays spectra it can be seen that already at t = 105 s the primary
cosmic rays undergo severe interactions leading to a large depletion of ⇠ 2 orders of magnitude
between the pre and post interaction spectra. At time 104 s, most cosmic rays lose energy
via drastic photo-pion interactions, hence the absence of cosmic-ray flux at this time in the
right-hand side plot. In the final picture, at early times (> 1 s) no cosmic rays can escape
the kilonova as the number of interaction is too large, at longer times (> 104 s) a mixed
composition appear and in between a transition from pure proton to mixed composition
can be seen. However the diminution of the baryon loading with time result in a negligible
cosmic-ray flux.

The numerical spectra for one source are shown in Figure ?? for different times after the
merger, for pure proton (left) and pure iron (right) injections at the kilonova input, for the
optimistic scenario. We can clearly identify an optimum neutrino production time around
t = 103 � 104 s. The optimum time is the result of a combination between i) a high cosmic-
ray luminosity, ii) a high efficiency of cosmic-ray interactions leading to mesons production,
and iii) a sufficiently low rate of meson (and muon) cascades leading to neutrino production.
Consequently at earlier times, the neutrino flux is low (and with limited neutrino energy)
because of the strong meson cascade rates and at later times it is low due to the decrease
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Figure 1.2: Sketch of the regions of the neutron-star merger remnant at play for the
acceleration and interaction of cosmic rays in our scenario. The red and blue envelopes
indicate the location of the so-called blue and red kilonovae ejecta, that emit thermal
UV/optical/IR radiation over timescales of hours to days (blue) and a week (red). Models
related to the GRB jet have been explored in scenarios involving GRBs. In this work,
we focus on the interaction of a fast wide-angle outflow from the accretion disk powered
by late-time fall-back of merger debris, with the slowly-expanding red kilonova ejecta.
This interaction results in the dissipation of the accretion power as shocks or magnetic
reconnection, accelerating relativistic particles, in a nebula behind the ejecta shell.

1.2 Principles of phenomenological modelling

Modelling astroparticles emissions from high energy sources require to take into account
various complex processes. The key element in that respect, is the interplay between the
particles and the background environment provided by the source. The particles undergoes

BNS: coincident detection with gravitational waves
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where fpγ = t−1
pγ /t

−1
p,cl and fpp = t−1

pp /t
−1
p,cl are the neutrino

production efficiency through photomeson production
and inelastic pp collision, respectively, and the subscript
νπµ indicates the muon neutrinos produced from pions.
The muons decay to neutrinos and electrons/positrons,
whose spectrum is represented as

E2
νe

dN iso
νe

dEνe
≈ E2

νµ
µ
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νµ

µ

dEνµ
µ

≈ fµ,supE
2
νπ
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νπ
µ

dEνπ
µ

, (18)

where fµ,sup = 1 − exp(−t−1
µ,dec/t

−1
µ,cl) is the suppression

factor by the muon cooling, t−1
µ,cl = t−1

µ,syn + t−1
dyn, and the

subscript νµµ indicates the muon neutrinos produced from
muons. These muon neutrinos and electron neutrinos
change their flavor during the propagation to the Earth.
The electron neutrinos and muon neutrino fluences at the
Earth are estimated to be [e.g., 90]

φνe+νe
=

10

18
φ0
νe+νe

+
4

18
(φ0

νµ+νµ
+ φ0

ντ+ντ
), (19)
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18
(φ0

νµ+νµ
+ φ0

ντ+ντ
), (20)

where φ0
i = (dN iso

i /dEi)/(4πd2L) is the neutrino fluence
without the oscillation and dL is the luminosity distance.
We set dL = 300 Mpc as a reference value, which is
the declination-averaged horizon distance for face-on NS-
NS merger events for the design sensitivity of the second
generation detectors [91].
The resultant muon neutrino fluences are shown in Fig-

ure 5 for optimistic (model A) and moderate (model B)
sets of parameters tabulated in Table I. These models are
different in Lk,iso and Γj , which mainly affect the normal-
ization of the fluence and the cutoff energy, respectively.
For model A, the neutrino spectrum has a cutoff around
Eν ∼ 200 TeV, while for model B, the spectrum break
appears at lower energy, Eν ∼ 50 TeV, due to the lower
Γj . The pion cooling causes the cutoff and the spectral
break. The combination of the muon cooling and the neu-
trino oscillation causes a slightly soft spectrum at 3 TeV
! Eν ! 200 TeV for model A and at 1 TeV ! Eν ! 50
TeV for model B.

B. Detection rates

These neutrinos can be detected by IceCube or
IceCube-Gen2 as νµ-induced track events, whose ex-
pected event number is estimated to be

Nµ =

∫

φνAeff(δ, Eν)dEν , (21)

TABLE II. Detection probability of neutrinos by IceCube and
IceCube-Gen2

Number of detected neutrinos from single event at 40Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 2.0 0.16 8.7
B 0.11 7.0×10−3 0.46

Number of detected neutrinos from single event at 300Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 0.035 2.9×10−3 0.15
B 1.9×10−3 1.3×10−4 8.1×10−3

GW+neutrino detection rate [yr−1]

model IceCube (up+hor+down) Gen2 (up+hor)
A 0.38 1.2
B 0.024 0.091

where Aeff is the effective area. IceCube and IceCube-
Gen2 can also detect νes and ντ s as shower events (or
cascade events). The angular resolution of shower events
is much worse than that of track events. Also, the effec-
tive area for the shower events is smaller than the upgoing
track events. Thus, we focus on the detectability of νµ-
induced track events, although the shower events may be
important for the merger events in the southern sky.
We use the effective area shown in Ref. [92] for Ice-

Cube. For IceCube-Gen2, the effective volume can be 10
times larger than that of IceCube [93]. Hence, we use
102/3 times larger Aeff than that for IceCube, although
it depends on the specific configurations. The thresh-
old energy for the neutrino detection is set to 0.1TeV
for IceCube and 1 TeV for IceCube-Gen2. The down-
going events suffer from the atmospheric background.
Although the downgoing events can be used to discuss
the detectability with IceCube, Aeff for the downgoing
events with IceCube-Gen2 is quite uncertain. Thus, we
focus on the upgoing+horizontal events that have decli-
nation δ > −5◦ for IceCube-Gen2. KM3NeT will observe
the events in the southern sky [94], which will help make
coincident detections in the near future. Note that the
atmospheric neutrinos are negligible owing to the short
duration of tdur ∼ 2 s.
We calculate the expected number of detected neutri-

nos for models A and B for a single event located at
40Mpc, which are tabulated in the upper part of Table
II. IceCube is likely to detect a coincident neutrino signal
for our model A if the source is located on the northern
sky (δ > −5◦). For our model B, detection for a source
in the northern sky is also possible, but not guaranteed.
For IceCube-Gen2, detection is probable for the northern
sky events. If we put the source at 300 Mpc, neutrino
detection from a single event is unlikely with IceCube,
while it is possible with IceCube-Gen2 if the optimistic
event (model A) occurs at the northern sky.
We now calculate the joint GW+neutrino detection

rate for a population of sources, which we assume to be
uniformly distributed in the local universe. Using the

optimistic
moderate

5

Table 2. The detection probabilities, P (Nµ ≥ k) for dL = 300 Mpc. IC: IceCube, Gen2: IceCube-Gen2, up+hor: upgoing +
horizontal events, down: downgoing events, all: covering-factor-weighted average over the up+hor and down, Aeff,ave: using the
declination-averaged effective area.

EE-mod-dist-A IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

P (Nµ ≥ 1) 0.07 0.04 0.06 0.21 0.06

P (Nµ ≥ 2) 0.01 0.00 0.00 0.05 0.00

EE-mod-dist-B IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

P (Nµ ≥ 1) 0.11 0.04 0.08 0.25 0.08

P (Nµ ≥ 2) 0.02 0.00 0.01 0.10 0.01

EE-opt-dist-A IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

P (Nµ ≥ 1) 0.74 0.25 0.52 0.86 0.59

P (Nµ ≥ 2) 0.42 0.04 0.25 0.69 0.24

EE-opt-dist-B IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

P (Nµ ≥ 1) 0.60 0.19 0.41 0.73 0.47

P (Nµ ≥ 2) 0.31 0.02 0.18 0.55 0.17

Figure 2. The detection probability P (Nµ ≥ 1) as a function
of luminosity distance dL. The upper and lower panels are
with IceCube and IceCube-Gen2, respectively. The vertical
thin-dotted lines show dL = 300 Mpc and dL = 600 Mpc.

(e.g., Nakar et al. 2006; Wanderman & Piran 2015), so
the event rate within the sensitivity range of aLIGO
(300 Mpc) is ∼ 0.46 yr−1 − 1.1 yr−1. According to the
Swift results, ∼ 25 % of SGRBs are accompaned by EEs
(Sakamoto et al. 2011), noting that softer instruments

Table 3. The detection probabilities within a given
time interval, P∆T . The SGRB rate is assumed to be
4 Gpc−3 yr−1 − 10 Gpc−3 yr−1

NS-NS (∆T = 10 yr) IC (all) Gen2 (all)

EE-mod-dist-A 0.11 – 0.25 0.37 – 0.69

EE-mod-dist-B 0.16 – 0.35 0.44 – 0.77

EE-opt-dist-A 0.76 – 0.97 0.98 – 1.00

EE-opt-dist-B 0.65 – 0.93 0.93 – 1.00

NS-BH (∆T = 5 yr) IC (all) Gen2 (all)

EE-mod-dist-A 0.12 – 0.28 0.45 – 0.88

EE-mod-dist-B 0.18 – 0.39 0.57 – 0.88

EE-opt-dist-A 0.85 – 0.99 1.00 – 1.00

EE-opt-dist-B 0.77 – 0.97 0.99 – 1.00

could detect more EEs (Nakamura et al. 2014). Here,
we simply assume that half of SGRBs have EEs, leading
to N ∼ 2 − 5 for ∆T = 10 years. Within the sensi-
tivity range of NS-BH mergers by aLIGO (600 Mpc),
the SGRB rate is ∼ 3.7 yr−1 − 9.0 yr−1, leading to
∼ 9 − 22 EEs for a 5-year operation. The estimated
values of P∆T are tabulated in Table 3. We find that
the simultaneous detection of gamma-rays, neutrinos,
and GWs is possible in the era of IceCube-Gen2 and
aLIGO/aVirgo/KAGRA, assuming a cosmic-ray load-
ing factor, ξp ∼ 10. This will allow us to probe the
physical conditions during EEs, including the cosmic-
ray loading factor and the Lorentz factor (see Section
4).
In the near future, KM3NeT will be in operation.

While IceCube is more suitable to observe the north-
ern sky, KM3NeT will achieve a better sensitivity for
the southern sky, helping us improve the possibility of
detections.
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Figure 8. Diffuse neutrinos spectra for injection spectral index ↵ = 1.5 (top) and ↵ = 2.1 (bottom) of
proton primaries (left) and iron primaries (right), with baryon loading ⌘p = 0.1. The GW170817-like
scenario follows a flat source evolution with rate ṅ0 = 600Gpc�3 yr�1, while the optimistic scenario
follows a SFR source evolution with rate ṅ0 = 3000Gpc�3 yr�1.

In order to be conservative, we adopt a flat evolution model with ṅ0 = 600Gpc�3yr�1

for the GW170817-like scenario. Such a hypothesis represents the simplest model and do not
presume of any enhancement of the population at earlier times in the universe history. For
the optimistic scenario, we assume a SFR evolution rate following Ref. [92] and a local merger
rate ṅ0 = 3000Gpc�3yr�1. The SFR evolution can enhance the diffuse neutrino flux level by
a factor of ⇠z ⇠ 2� 4 [93].

One can estimate the maximal diffuse neutrino flux expected in different energy ranges
via

E
2

⌫�max(E⌫ ,�t) ⇠ c

4⇡H0

3

8
⇠zṅ0⌘pLfb�t (5.3)

⇠ 1.9⇥ 10�9 GeV cm�2 s�1 sr�1
⌘p,�1

⇠z

4
(5.4)

⇥
✓

ṅ0

3000 Gpc�3yr�1

◆✓
Lcr

5.6⇥ 1044 erg s�1

◆✓
�t

104 s

◆
,

assuming a SFR evolution. At each time step, the neutrino flux peaks at one specific energy
range and corresponds to a given cosmic-ray luminosity. The IceCube energy range ⇠ E⌫ &
104 GeV is reached from times t = 103 s, as can be seen in the time-dependent fluxes presented
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Figure 1. Fraction of simulated astrophysical GW+neutrino events whose significance exceeds a threshold as a function of the
GW hrss, assuming a sine-Gaussian gravitational waveform described in Section 3.1. Separate curves are shown for the cases
of detections by IceCube+LIGO (left) and Antares+LIGO (right). Results are shown for di↵erent significance thresholds,
with thresholds set at the most significant event [GW+⌫ (obs.)], as well as thresholds corresponding to FARs 1/10 yr�1 and
1/50 yr�1. For comparison, we further show results for GW-only searches, also for FARs 1/10 yr�1 and 1/50 yr�1. On the top
of the figures we also show the source distance corresponding to hrss, assuming EGW = 10�2M�c

2. Below 5 ⇥ 10�23, we find
that the GW search is unable to detect events (shaded area).
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Figure 2. Upper limits for the rate density of
GW+neutrino sources as functions of EGW, for di↵erent val-
ues of Eiso,⌫ (see numerical values of Eiso,⌫ in the figure), for
a sine-Gaussian gravitational waveform described in Section
3.1. We assume a beaming factor fb = 10. For comparison,
we show the rate density of local core-collapse supernovae
(CCSNe; dashed line, rate error region shown in blue), and
that of BNS mergers (dotted line, rate error region shown in
red).

gamma-ray bursts (GRBs), it can be as low as fb . 14
(Liang et al. 2007). For long GRBs, typical jet opening
angles are ✓j = 3� � 10�, with some extending up to
⇡ 20� (Berger 2014), corresponding to a beaming factor
fb = (1� cos ✓j)�1 = 10� 103.

Short GRBs were found to have comparable beam-
ing factors based on their observed jet breaks and
rate (Berger 2014). Nevertheless, the detection of
GRB170817A at a higher observing angle of ⇠ 30�±15�

(Abbott et al. 2018a) implied weaker e↵ective beaming.
Radio observations of the GRB’s afterglow indicate that
the outflow had a narrowly collimated relativistic jet
with ✓j < 5� as well as a broader, less energetic compo-
nent (Mooley et al. 2018a; Ghirlanda et al. 2018). The
origin of this structured outflow remains the subject of
active debate (Alexander et al. 2018; Lazzati et al. 2018;
Mooley et al. 2018b; Ioka & Nakamura 2018; Gottlieb
et al. 2018; Haggard et al. 2017; Alexander et al. 2018;
Veres et al. 2018).
It is instructive to compare the present limits to pre-

vious results. Here we look at the latest estimates that
used Initial LIGO-Virgo and the partially completed
IceCube detector (Aartsen et al. 2014a). Considering
a fiducial source emission of EGW = 10�2 M�c2 and
E⌫,iso = 1051 erg, assuming a beaming factor of fb = 10,
this previous search obtained a joint source rate upper
limit of 1.1⇥107 Gpc�3yr�1. The present search updates
this constraint to 4 ⇥ 104 Gpc�3yr�1, an improvement
of more than 2 orders of magnitude.

3.3. Discussion

Here we briefly review the expected emission parame-
ters of sources of interest, and compare the our rate den-
sity constraints to expectations. While our constraints

Upper limits on rate density of 
GW+neutrino sources

IceCube+ANTARESAdvanced LIGO
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9

Figure 3. 90% UL on the isotropic equivalent energy emitted in neutrinos during a 1000 s time window (blue and orange
triangles). The Eiso ULs are fit to an r2 scaling which is motivated by geometric arguments. Etot

progenitor (black cross) is the
total rest mass energy of the progenitors and Erad (orange/blue plus) is the total radiated energy of the binary system. While
not all of the progenitor energy is available for acceleration processes, we show it here as a relevant energy scale in the binary
system. The distance and 90% credible intervals are taken from the first GW catalog (Abbott et al. 2019). The distance errors
for GW170817 are much smaller than the BBHs because of the precise measurements of the host galaxy (Cantiello et al. 2018).
Note that the distance error bars also apply to the Erad and Etot

progenitor measurements but are not shown here for clarity. Shown
in green is the measured Eiso for GRB 170817A by Fermi GBM taken from Abbott et al. (2017b). The assumed r2 scaling is fit
to this measured value.

in gravitational waves. We also compare to measurements of the energy emitted in gamma-rays of the associated short
gamma-ray burst, GRB 170817A. Fermi GBM reported an upper limit on Eiso which is over six orders of magnitude
lower than the energy radiated in gravitational waves and over 4 orders of magnitude lower than the UL on the energy
emitted in neutrinos. (Abbott et al. 2017b).
In addition to searching for neutrino emission from the 11 mergers in GWTC-1, there are two pipelines implementing

the two methods described in Section 2 in low-latency during the O3 observing run. These low-latency searches are
particularly useful in informing electromagnetic observatories where to point to search for optical counterparts. These
analyses are described in detail in Hussain et al. (2019) and Countryman et al. (2019), and will the subject of a future
publication.
Searches for neutrino emission from longer time windows are also ongoing. These searches target neutrino emission

from binary neutron star or neutron star-black hole mergers on a two-week timescale. Neutrinos from kilonovae or
ejected material from mergers involving neutron stars are potential sources of high-energy neutrinos for weeks after
the initial merger (Kimura et al. 2018; Fang & Metzger 2017). Our sample of potential joint GW and neutrino sources
continues to grow as more compact binary mergers are detected. With the 5⇥ to 6⇥ higher statistics expected in O3
(Abbott et al. 2018), we can search for a possible underlying population of joint sources.

ACKNOWLEDGEMENTS

USA – U.S. National Science Foundation-O�ce of Polar Programs, U.S. National Science Foundation-Physics Divi-
sion, Wisconsin Alumni Research Foundation, Center for High Throughput Computing (CHTC) at the University of
Wisconsin-Madison, Open Science Grid (OSG), Extreme Science and Engineering Discovery Environment (XSEDE),
U.S. Department of Energy-National Energy Research Scientific Computing Center, Particle astrophysics research
computing center at the University of Maryland, Institute for Cyber-Enabled Research at Michigan State University,
and Astroparticle physics computational facility at Marquette University; Belgium – Funds for Scientific Research
(FRS-FNRS and FWO), FWO Odysseus and Big Science programmes, and Belgian Federal Science Policy O�ce (Bel-
spo); Germany – Bundesministerium für Bildung und Forschung (BMBF), Deutsche Forschungsgemeinschaft (DFG),

No significant neutrino coincidence is seen by either search during the first two
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Why focus on transient sources?
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Figure 7. Time distribution of the reconstructed events. Upper histogram (black): distribution of

well-reconstructed events (including downgoing muons). Bottom histogram (red): distribution of the

events selected by this analysis.

Figure 8. Average number of events required for a 5� discovery (50% probability) for a source located

at a declination of -40
o

and following an E
�2

energy spectrum as a function of the total width of the

flaring periods (solid line). These numbers are compared to those obtained without using the timing

information (dashed line).
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Real-time analysis + multi-messenger 
follow-up on alerts increase statistical 
significance of signals

Less events needed for shorter flares
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Figure 5

Schematic picture of various high-energy multi-messenger transients.

Table 1 List of multi-messenger transients that can be promising emitters of high-

energy neutrinos and/or gravitational waves.

Source Rate density EM Luminosity Duration Typical Counterpart

[Gpc�3 yr�1] [erg s�1] [s]

Blazar flarea 10� 100 1046 � 1048 106 � 107 broadband

Tidal disruption event 0.01� 0.1 1047 � 1048 106 � 107 jetted (X)

100� 1000 1043.5 � 1044.5 > 106 � 107 tidal disruption event (optical,UV)

Long GRB 0.1� 1 1051 � 1052 10� 100 prompt (X, gamma)

Short GRB 10� 100 1051 � 1052 0.1� 1 prompt (X, gamma)

Low-luminosity GRB 100� 1000 1046 � 1047 1000� 10000 prompt (X, gamma)

GRB afterglow < 1046 � 1051, > 1� 10000 afterglow (broadband)

Supernova (II) 105 1041 � 1042 > 105 supernova (optical)

Supernova (Ibc) 3⇥ 104 1041 � 1042 > 105 supernova (optical)

Hypernova 3000 1042 � 1043 > 106 supernova (optical)

NS merger 300� 3000 1041 � 1042 > 105 kilonova (optical/IR)

1043 > 107 � 108 radio flare (broadband)

BH merger 10� 100 ? ? ?

WD merger 104 � 105 1041 � 1042 > 105 merger nova (optical)

a
Blazar flares such as the 2017 flare of TXS 0506+056 are assumed for the demonstration.

Abbreviations: BH, black hole; EM, electromagnetic; GRB, gamma-ray burst; NS, neutron star; WD,

white dwarf.

4.1. Blazar Flares

In general, blazars are highly variable objects that show broadband spectra from radio, op-

tical, X-ray, and gamma-rays. In the standard leptonic scenario for SEDs, the low-energy

and high-energy humps are explained by synchrotron emission and inverse-Compton radia-

tion from non-thermal electrons, respectively. For BL Lac objects that typically belong to a

low-luminous class of blazars, seed photons for the inverse-Compton scattering are mainly

supplied by the electron synchrotron process. In contrast, flat-spectrum radio quasars (FS-

14 Murase and Bartos
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Figure 2.2: Maximum accessible proton energy Ep,max (left column) and corresponding maximum
accessible neutrino energy E⌫,max (right column) as a function of the variability timescale tvar and the
bolometric luminosity Lbol of a flaring source, with bulk Lorentz factor � = 1, 10, 100 (from top to
bottom). Overlaid are examples of the location of benchmark explosive transients in the Lbol � tvar

parameter space (see Section 2.4). The beige region indicates the domain where no source is expected
to be found because of the excessive energy budget. The dots locate recently discovered categories of
transients (Kasliwal, 2011), superluminous supernovae (SLSNe), peculiar supernovae, and luminous red
novae. The small square box (labeled SNe) and the short diagonal line on its upper left indicate core-
collapse and thermonuclear supernovae, respectively. Low-luminosity GRBs and type Ibc supernovae
should be treated with care (see Section 2.5.2).
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Figure 2.2: Maximum accessible proton energy Ep,max (left column) and corresponding maximum
accessible neutrino energy E⌫,max (right column) as a function of the variability timescale tvar and the
bolometric luminosity Lbol of a flaring source, with bulk Lorentz factor � = 1, 10, 100 (from top to
bottom). Overlaid are examples of the location of benchmark explosive transients in the Lbol � tvar

parameter space (see Section 2.4). The beige region indicates the domain where no source is expected
to be found because of the excessive energy budget. The dots locate recently discovered categories of
transients (Kasliwal, 2011), superluminous supernovae (SLSNe), peculiar supernovae, and luminous red
novae. The small square box (labeled SNe) and the short diagonal line on its upper left indicate core-
collapse and thermonuclear supernovae, respectively. Low-luminosity GRBs and type Ibc supernovae
should be treated with care (see Section 2.5.2).

NS mergers
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IceCube neutrinos: soon to be probed transients

Murase & Waxman 2016, Ackermann et al. 2019 55

Markus Ahlers (NBI) Multi-Messenger Interfaces 11

Rare sources, like blazars or gamma-ray bursts, can not be the 
dominant sources of TeV-PeV neutrino emission (magenta band). 
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Point Source vs. Diffuse Flux

observed  IC 
TeV-PeV flux

Rare powerful sources are excluded

Detection of multiplets depends 
on number density of sources

Could be probed in the 
next decade



Opening the UHE neutrino window

3. Can we really do multi-messenger astrophysics?

ISAPP School Institut Pascal - 25/03/2020Kumiko Kotera - Institut d’Astrophysique de Paris 
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Multi-messengers!

ν
γ νγ

p Fe

Cosmic rays

Gamma rays

cosmic rays + others 
—> temporal coincidence 
impossible (deflections) 

but studies of diffuse fluxes

GW + electromagnetic 
(+gamma) 
GW170817

neutrinos + gammas? 
TXS0506+056 (blazar flare)

GW + neutrinos ???

ultra-high energy 
neutrinos ???

Gravitational waves

Neutrinos
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Current multi-messenger data: useful to understand UHECRs?

Backgrounds 
- radiative? baryonic? 
- evolution, density? 
- magnetic field: deflections? 

associated neutrino and 
gamma-ray production

νγ
νγ

p Fe

Cosmic backgrounds 
interactions on CMB, UV/opt/
IR photons 

cosmogenic neutrino and 
gamma-ray production

Eν ~ 5% ECR Eγ ~ 10% ECR

ECR > 1018 eV

Eν > 1016 eV

Secondaries take up 5-10% of parent cosmic-ray energy

IceCube neutrinos do not directly probe UHECRs
Actually, none of the current multi-messenger data 
(except UHECR data) can directly probe UHECRs 

… but they help :-)
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UHE neutrinos: a challenging no-man's land

Alves Batista, de Almeida, Lago, KK, 2018
GRAND Science & Design, 2018

KK, Allard, Olinto 2010

UHE ν ?



C. Guépin, K. Kotera: Can we observe neutrino flares?
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Fig. 1: Maximal accessible proton energy Ep,max (left column) and corresponding maximal accessible neutrino energy
E⌫,max (right column), as a function of the variability timescale tvar and the bolometric luminosity Lbol of a flaring source,
with bulk Lorentz factor � = 1, 10, 100 (from top to bottom). Overlayed are examples of location of benchmark explosive
transients in the Lbol � tvar parameter-space (see section 5). The beige region indicates the domain where no source is
expected to be found due to the excessive energy budget. The dots locate recently discovered categories of transients
(Kasliwal 2011), superluminous supernovae (SLSNe), peculiar supernovae, and luminous red novae. The small square
box (labelled SNe) and the short diagonal line on its upper left indicate core-collapse and thermonuclear supernovae
respectively. Low-luminosity GRBs and Type Ibc supernovae should be treated with care (see Section 6.2).
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Fig. 1: Maximal accessible proton energy Ep,max (left column) and corresponding maximal accessible neutrino energy
E⌫,max (right column), as a function of the variability timescale tvar and the bolometric luminosity Lbol of a flaring source,
with bulk Lorentz factor � = 1, 10, 100 (from top to bottom). Overlayed are examples of location of benchmark explosive
transients in the Lbol � tvar parameter-space (see section 5). The beige region indicates the domain where no source is
expected to be found due to the excessive energy budget. The dots locate recently discovered categories of transients
(Kasliwal 2011), superluminous supernovae (SLSNe), peculiar supernovae, and luminous red novae. The small square
box (labelled SNe) and the short diagonal line on its upper left indicate core-collapse and thermonuclear supernovae
respectively. Low-luminosity GRBs and Type Ibc supernovae should be treated with care (see Section 6.2).
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many transient sources could make it Guépin & KK 2016

for transientsUHE neutrino production

synchrotron losses

luminosity bounds

NS mergers
ms magnetars

newborn  
pulsars



YES if

Can we hope to detect very high-energy neutrino sources?

 good angular resolution (< fraction of degree) 
 number of detected events > 100s

boxes for experiments assuming neutrino flux: 10-8 GeV cm-2 s-1

Neutrinos don't have a horizon: won't we be polluted by background neutrinos?
Fang, KK, Miller, Murase, Oikonomou JCAP 2016
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2021 o 2025 o >2030 Energy range Differential sensitivity limit FoV ang. res. slew [survey] speed resp. delay ! foll. rate [% alerts] examples 

LHAASO 100 GeV−1 PeV 5×10−14 erg cm−2 s−1 in 1 yr 2 sr 0.3° [2/3 sky/day] - ?
CTA 20 GeV−300 TeV 6×10−14 erg cm−2 s−1 in 50 h 10−20° < 0.15° 180°/20 s 20 s 20 h/yr (2016)

HAWC 100 GeV−100 TeV 6×10−13 erg cm−2 s−1 in 1 yr 2 sr 0.1° [2/3 sky/day] - [90% IC Gold alerts]
H.E.S.S. 30 GeV−100 TeV 6×10−13 erg cm−2 s−1 in 50 h 5° 0.1° 10°/min 60 s 60−70 h/yr
MAGIC 50 GeV−50 TeV 9×10−13 erg cm−2 s−1 in 50 h 3.5° 0.07° 7°/s 20 s 60 h/yr, 15% ToO
VERITAS 85 GeV−30 TeV 6×10−13 erg cm−2 s−1 in 50 h 3.5° 0.1° 1°/s 90 s 45 h/yr
Fermi LAT 20 MeV−300 GeV 5×10−13 erg cm−2 s−1 in 10 yr 2.4 sr 0.15° [all-sky/3 h] 4−5 h [100% IC alerts]

GBM 10 keV−25 MeV 2 ph cm−2 s−1  in 1 s 9 sr 10° [all-sky/1 h] 5−6 h [60% IC alerts]
INTEGRAL IBIS 15 keV−10 MeV 1.2×10−12 erg cm−2 s−1 in 103 s 64 deg2 0.2° 0.2°/s min [all ANTARES

SPI-ACS 100 keV−2 MeV 10−3  ph cm−2 s−1 MeV-1 in 106 s 4" - - min and GCN IC alerts]

XMM-Newton 0.2−12 keV 10−15 erg cm−2 s−1 in 106 s 0.5° 6� 90°/h few h PKS 1502+106, Kloppo
Athena-WFI 0.1−15 keV 3×10−16 erg cm−2 s−1 in 105 s 0.4 deg2 < 5� 1°/min 4 h [5 ToO/month]

Swift BAT 15−150 keV 6×10-10 erg cm-2 s-1 in 2000 s 1.4 sr 0.4°
XRT 0.2−10 keV 5×10-13 erg cm−2 s−1 in 104 s 0.1 deg2 18� 1°/s min−h 50% ToO
UVOT 0.16−0.62 µm 19 mag in 300 s 0.1 deg2 2.5�

SVOM ECLAIRs 4−150 keV 7.2×10-10 erg cm−2 s−1 in 103 s 2 sr < 0.2° first 3 yrs:
MXT 0.2−10 keV 2×10-12 erg cm−2 s−1 in 3000 s 1 deg2 13� 45°/5 min min−h 15% ToO
VT 0.4−1 µm 22.5 mag in 300 s 0.2 deg2 < 1� then: 40% ToO

ASAS-SN 380−555 nm 19.5 mag in 30 min 72 deg2 7.8� [vis. sky/days] min−day [70−80% all IC GCN alerts]
ATLAS 420−975 nm 19.7 mag in 30 s 29 deg2 2� [4×vis. sky/day] 45 s [no ! alert yet]
Pan-STARRS 400−900 nm 23.1 mag in 904 s 14 deg2 1.0−1.3� [vis. sky/week] h−day [6 follow ups]
ZTF 400−650 nm 21.0 mag in 300 s 47 deg2 2� [vis. sky/2 days] h−day [74% IC Gold alerts]

Vera Rubin Obs. (LSST) 0.3−1 µm 24.5 mag in 30 s 9.6 deg2 0.7� [100 deg2/5 min] - -
MASTER-II(VWF) 400−800 nm 19(12) mag in 1 min(5 s) 8(400) deg2 1.9��22�� 30°/s(8°/s) min−h [99% GCN neutrino alerts]
TAROT 350−980 nm 18.5 mag in 180 s 4 deg2 3.5� 50°/s s−day <3% obs. time [70% GCN alerts]
GEMINI (GMOS) 0.36−1.03 µm, spec 25 mag in 2.5 days 30.23'2 0.07�/pix obj./2 min 20 min SN PTF12csy
GTC (OSIRIS) 0.365−1.05 µm, spec 27 mag in 1 h 0.02 deg2 0.127�/pix obj./min min TXS 0506+056
Keck (LRIS) 0.32−1 µm, spec 23 mag in 20 s 46.8'2 0.135�/pix 1.5°/s h SN PTF12csy
VLT (X-shooter) 0.3−2.4 µm, spec 23 mag in 60−120 s 2.2'2 0.173�/pix obj./5 min 30 s TXS 0506+056, IC190331A

VLA 1−50 GHz 186 µJy in 1 min 0.16 deg2 0.12� [20 deg2/h] days TXS 0506+056, ANTARES events
MWA 80−300 MHz 4.6 mJy at 1 s 610 deg2 0.9' obj./8 s 6−40 s [30% IC Gold, >30% ANTARES]

SKA1(2)-MID 350 MHz−15.3 GHz 2(0.1) µJy in 1 h 1(10) deg2 0.04°−0.7° ? 1 s ?
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Table 2. Indicative experimental characteristics of a non-exhaustive list of actual or potential neutrino follow-up EM instruments. The left-hand side of
the table indicates the timeline of each instrument (green for current and yellow for up-coming). Unclear termination dates are indicated with a fading
gradient. The following columns from left to right reference the energy range, the differential sensitivity limit, the field of view (FoV), the angular
resolution, the slew speed and survey speed in brakets, the response delay to a neutrino or ToO alert. The final column provides elements of the neutrino or
ToO follow up program of each facility, with a neutrino alert follow up rate (“n foll. rate", in hour/year) when available, percentage or number of neutrinos
followed in brakets, and specific followed source or event names in italics. Question marks indicate the yet unknown values for up-coming experiments.
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the table indicates the timeline of each instrument (green for current and yellow for up-coming). Unclear termination dates are indicated with a fading
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The angular resolution is key for multi-messenger networks

adapted from Guépin, KK, Oikonomou, Nature Phys. Rev. subm.

2021 o 2025 o >2030 Diff. sens. lim. 
in GeV cm−2 s−1 sr−1

iFoV 
in sky % ang. res.

PUEO 4.2×10−8 in 30 d 6 <2.8°
ARA 3.6×10−9 (2030) 35 5°
RNO-G 1×10−8 in 5 yr 30 2°×10°

ARIANNA-200 8×10−9 in 5 yr 50 2.9−3.8°
RET-N 3×10−10 in 5 yr 50 ?

IceCube-Gen2 Radio 4×10−10 in 5 yr 43 2°×10°
BEACON 1.2×10−8 in 5 yr 6 0.3°−1°

GRAND10k 1×10−8 in 5 yr 6 0.1°
GRAND 4×10−10 in 5 yr 45 0.1°

Auger [1.5×10−8 (2019)] 30 <1°
TAMBO ? 27 1°

POEMMA Cerenkov 7×10−8 in 5 yr 0.6 0.4°
Trinity 1×10−10 in 5 yr 6 <1°

Ashra-NTA 2×10−10 in 5 yr 30 0.1°

• development of MM-networks, of EM instruments  
—> false associations will be extremely common 

• skim interesting events + narrow down search area  
—> requires angular resolution

difficult to reach sub-
degree resolution for 
in-ice instruments

✓ Excellent sensitivity 
✓ Sub-degree angular resolution 
✓ Wide instantaneous field of view

What will we need?

Towards UHE multi-messenger astronomy 
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General perspectives and ideas

Specific calculations

absolutely NOT exhaustive!


